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STAR FORMATION ON GALACTIC SCALES: EMPIRICAL
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Abstract. Empirical star formation laws from the last 20 years are re-
viewed with a comparison to simulations. The current form in main
galaxy disks has a linear relationship between the star formation rate
per unit area and the molecular cloud mass per unit area with a
timescale for molecular gas conversion of about 2 Gyr. The local ratio of
molecular mass to atomic mass scales nearly linearly with pressure, as
determined from the weight of the gas layer in the galaxy. In the outer
parts of galaxies and in dwarf irregular galaxies, the disk can be dom-
inated by atomic hydrogen and the star formation rate per unit area
becomes directly proportional to the total gas mass per unit area, with
a consumption time of about 100 Gyr. The importance of a threshold
for gravitational instabilities is not clear. Observations suggest such
a threshold is not always important, while simulations generally show
that it is. The threshold is difficult to evaluate because it is sensitive
to magnetic and viscous forces, the presence of spiral waves and other
local effects, and the equation of state.

1 Introduction: the Kennicutt-Schmidt law of Star Formation

Star formation and stellar evolution are such important drivers of galactic evolution
that empirical laws to determine the star formation rate have been investigated
for over 50 years. The results have never been very precise because star formation
spans a wide range of scales, from cluster-forming cores to molecular clouds to the
whole interstellar medium.

On the scale of a galaxy, the first idea was a proposed connection between
the total star formation rate and the mass of interstellar gas. Schmidt (1959)
derived the star formation rate (SFR) over the history of the Milky Way assuming
a constant initial luminosity function for stars, Ψ(MV), a stellar lifetime function
T (MV), a gas return per star equal to all of the stellar mass above 0.7 M⊙, and a
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star formation rate f(t) that scales with a power n of the gas mass, MG(t). Then
f(t)ΣMVΨ(MV) = C[MG(t)]

n, for a summation ΣMV over all stellar types.

Schmidt gave analytical solutions for n = 0, 1, 2. He noted that a scale height
for HI of 144 pc, a scale height for Cepheids of 80 pc, and a scale height for clusters
of 58 pc gave n = 2 to 3. The white dwarf count gave n > 2, the He abundance
suggested n = 2, the uniformity of HI suggested n ≥ 2, and the cluster mass
function gave n = 1 to 2. Schmidt also suggested that with n = 2, dense galaxies
like ellipticals should now have less gas than low-density galaxies like the LMC. His
final comment was “It is hoped to study the evolution of galaxies in more detail
in the future.” Following Schmidt (1959), many authors derived scaling relations
between the average surface density of star formation, ΣSFR, and the average
surface density of gas. Buat, Deharveng & Donas (1989) included molecular and
atomic gas and determined star formation rates from the UV flux corrected for
Milky Way and internal extinction. They assumed a constant H2/CO ratio and
a Scalo (1986) IMF. The result was a good correlation between the average star
formation rate in a sample of 28 galaxies and the 1.65± 0.16 power of the average
total gas surface density. In the same year, Kennicutt (1989) used Hα for star
formation, and HI and CO for the gas with a constant H2/CO conversion factor,
and determined star formation rates both as a function of galactocentric radius
and averaged over whole galaxy disks. For whole galaxies, the average Hα flux
scaled with the average gas surface density to a power between 1 and 2; there
was a lot of scatter in this relation and the correlation was better for HI than H2.
More interesting was Kennicutt’s (1989) result that the star formation rate had
an abrupt cutoff in radius where the Toomre (1964) stability condition indicated
the onset of gravitationally stable gas. Kennicutt derived a threshold gas column
density for star formation, Σcrit = ασκ/(3.36G) for α = 0.7; σ is the velocity
dispersion of the gas; κ is the epicyclic frequency, and G is the gravitational
constant.

In a second study, Kennicutt (1998) examined the disk-average star formation
rates using a larger sample of galaxies with Hα, HI, and CO. He found that for
normal galaxies, the slope of the SFR-surface density relation ranged between
1.3 to 2.5, depending on how the slope was measured; there was a lot of scatter.
When starburst galaxies with molecular surface densities in excess of 100 M⊙ were
included, the overall slope became better defined and was around 1.4. This paper
also found a good correlation with a star formation rate that scaled directly with
the average surface density of gas and inversely with the rotation period of the
disk. This second law suggested that large-scale dynamical processes are involved.

Hunter et al. (1998) considered the same type of analysis for dwarf Irregulars
and derived a critical surface density that was lower than the Kennicutt (1989)
value by a factor of ∼ 2. This meant that stars form in more stable gas in dwarf
irregulars compared to spirals.

Boissiet et al. (2003) compared ΣSFR and Σgas versus radius in 16 resolved
galaxies with three theoretical expressions. The best fits were a SFR depen-
dence on the gas surface density as ΣSFR ∝ Σ2.06

gas , a more dynamical law from
Boissier & Prantzos (1999) which gave the fit ΣSFR ∝ Σ1.48

gas (V/R) for rotation
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speed V and radius R, and a third type of law from Dopita & Ryder (1994), which
fit to ΣSFR ∝ Σ0.97

gas /Σ
0.61
tot . Boissiet et al. (2003) assumed that H2/CO varied with

radius as the metallicity (Boselli et al., 2002). Their conclusion was that the three
laws are equally good, and that for the pure gas law, n > 1.4. Boissiet et al.
(2003) also looked for a star formation threshold in the Milky Way. They deter-
mined Σ/Σcrit using both pure-gas for Σcrit and a gas+star Σcrit fromWang & Silk
(1994). They found that the gas+star Σcrit gave the best threshold for determin-
ing where star formation occurs. The gas alone was sub-threshold throughout the
disk.

Zasov & Smirnova (2005) showed that a threshold like Σcrit may be used to
determine the gas fraction in galaxies. If all galaxies have Σ(HI) approximately at
the critical Σcrit = ακσ/πG, which is proportional to V/R from κ, then Mgas =
∫

R
2πRΣcritdR ∝ V R. This was shown to be the case from observations. They

also considered that the total mass is Mtot ∝ V 2R, in which case Mtot/Mgas ∝ V ,
the rotation speed. This was also shown to be confirmed by observations. In
their interpretation, small galaxies are more gas-rich than large galaxies because
all galaxies have their gas column densities close to the surface density threshold.

For the Milky Way, Misiriotis et al. (2006) used COBE/DIRBE observations
to get both the gas and dust distributions and the SFR distribution. They found a
gas-law slope of 2.18± 0.20, which they claimed was similar to Kennicutt’s (1998)
bivariate fit slope n = 2.5 for normal galaxies. Luna et al. (2006) determined
the Milky Way SFR from IRAS point sources and the CO surface density from a
southern hemisphere survey (assuming constant H2/CO). They found star forma-
tion concentrated in low-shear spiral arms and suggested an additional dependence
on shear. Overall they derived ΣSFR ∼ Σ1.2±0.2

gas . Vorobyov (2003) also suggested
a shear dependence for the SFR based on observations of the Cartwheel galaxy,
where there is an inner ring of star formation with high shear that is too faint for
the normal Kennicutt law, given the gas column density.

1.1 The Q Threshold

A threshold for gravitational instabilities in rotating disks has been derived for
various ideal cases. For an infinitely thin disk of isothermal gas, the dispersion
relation for radial waves is ω2 = k2σ2−2πGΣk+κ2. Solving for the fastest growth
rate ω gives the wavenumber at peak growth, k = πGΣ/σ2, and the wavelength,
λ = 2σ2/GΣ, which is on the order of a kiloparsec in main galaxy disks. The
dominant unstable mass is M ∼ (λ/2)2Σ = σ4/G2Σ ∼ 107 M⊙ in local spirals.
The peak rate is given by

ω2
peak = −(πGΣ/σ2)2 + κ2 = −(πGΣ/σ2)2(1 −Q2) (1.1)

which requires Q ≡ κσ/πGΣ < 1 for instability (i.e., when ω2
peak < 0).

Disk thickness weakens the gravitational force in the in-plane direction by an
amount that depends on wavenumber, approximately as 1/(1+kH) for exponential
scale heightH (e.g., Elmegreen, 1987; Kim & Ostriker, 2007). Typically, k ∼ 1/H ,
so this weakening can slow the instability by a factor of ∼ 2, and it can make
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the disk slightly more stable by a factor of 2 in Q. On the other hand, cooling
during condensation decreases the effective value of the velocity dispersion, which
should really be written γ1/2σ for adiabatic index γ that appears in the relation
δP ∝ δργ with pressure P and density ρ. If P is nearly constant for changes in ρ,
as often observed, then γ ∼ 0. Myers (1978) found γ ∼ 0.25 for various thermal
temperatures at interstellar densities between 0.1 cm−3 and 100 cm−3. Thus the
effects of disk thickness and a soft equation of state partially compensate for each
other.

There is also a Q threshold for the collapse of an expanding shell of gas
(Elmegreen, Palous & Ehlerova, 2002). Pressures from OB associations form giant
shells of gas and cause them to expand. Eventually they go unstable when the
accumulated gas is cold and massive enough, provided the induced rotation and
shear from Coriolis forces are small. Considering thousands of initial conditions,
these authors found that a sensitive indicator of whether collapse occurs before
the shell disperses is the value of Q in the local galaxy disk, i.e., independent of
the shell itself. The fraction f of shells that collapsed scaled inversely with Q as
f ∼ 0.5− 0.4 log10 Q.

The Toomre Q parameter is also likely to play a role in the occurrence of
instabilities in turbulence-compressed gas on a galactic scale (Elmegreen, 2002).
Isothermal compression has to include a mass comparable to the ambient Jeans
mass, MJeans, in order to trigger instabilities. The turbulent outer scale in the
galaxy is comparable to the Jeans length, LJeans, which is about the galactic gas
scale height, H . If the compression distance exceeds the epicyclic length, then
Coriolis forces spin up the compressed gas, leading to resistance from centrifugal
forces. So instability needs LJeans ≤ Lepicycle, which means Q ≤ 1, since LJeans ∼

H ∼ σ2/πGΣ. The epicyclic length is Lepicycle ∼ σ/k, so LJeans/Lepicycle = Q.

The dimensionless parameter Q measures the ratio of the centrifugal force from
the Coriolis spin-up of a condensing gas perturbation to the self-gravitational force,
on the scale where gravity and pressure forces are equal, which is the Jeans length.
The derivation of Q assumes that angular momentum is conserved, so the Cori-
olis force spins up the gas to the maximum possible extent. When Q > 1, a
condensing perturbation on the scale of the Jeans length spins up so fast that
its centrifugal force pulls it apart against self-gravity. Larger-scale perturbations
have the same self-gravitational acceleration (which scales with Σ) and stronger
Coriolis acceleration (which scales with κ2/k); smaller-scale perturbations have
stronger accelerations from pressure. If angular momentum is not conserved, then
the disk can be unstable for a wider range of Q because there is less spin up
during condensation. For example, the Coriolis force can be resisted by magnetic
tension or viscosity and then the angular momentum in a condensing cloud will
get stripped away. This removes the Q threshold completely (Chandrasekhar,
1954; Stephenson, 1961; Lynden-Bell, 1966; Hunter & Horak, 1983). In the mag-
netic case, the result is the Magneto-Jeans instability, which can dominate the
gas condensation in low-shear environments like spiral arms and some inner disks
(Elmegreen, 1987, 1991, 1994; Kim & Ostriker, 2001, 2002; Kim et al., 2002). For
the viscous case, Gammie (1996) showed that for Q close to but larger than 1, i.e.,
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in the otherwise stable regime, viscosity can make the gas unstable with a growth
rate equal to nearly one-third of the full rate for a normally unstable (Q < 1) disk.
A dimensionless parameter for viscosity ν is νκ3/G2Σ2, which is ∼ 11 according
to Gammie (1996). This is a large value indicating that galaxy gas disks should
be destabilized by viscosity. An important dimensionless parameter for magnetic
tension is B2/(πGΣ2) ∼ 8, which is also large enough to be important. Thus gas
disks should be generally unstable to form small spiral arms and clouds, even with
moderately stable Q, although the growth rate can be low if Q is large.

1.2 Modern Versions of the KS Law with ∼ 1.5 slope

Kennicutt et al. (2007) studied the local star formation law in M51 with 0.5-2 kpc
resolution using Pa-α and 24µ+Hα lines for the SFR, and a constant conversion
factor for CO to H2. There was a correlation, mostly from the radial variation
of both SFR and gas surface density, with a slope of 1.56 ± 0.04. There was
no correlation with Σ(HI) alone, as this atomic component had about constant
column density (∼ 10 M⊙). The correlation with molecules alone was about the
same as the total gas correlation.

Leroy et al. (2005) studied dwarf galaxies and found that they have a molec-
ular KS index of 1.3 ± 0.1, indistinguishable from that of spirals, except with a
continuation to lower central H2 column densities (i.e., down to ∼ 10 M⊙ pc−2).

Heyer et al. (2004) found a slope n = 1.36 for ΣSFR versus Σ(H2) in M33,
where the molecular fraction, fmol is small. The correlation with the total gas
was much steeper. More recently, Verley et al. (2010) studied M33 again and got
ΣSFR ∝ Σn

H2 for n = 1 to 2, and ΣSFR ∝ Σn
total gas for n = 2 to 4. The steepening

for total gas is again because ΣHI is about constant, so the slope from HI alone
is nearly infinite. This correlation is dominated by the radial variations in both
quantities, as it is a point-by-point evaluation throughout the disk. Radial changes
in metallicity, spiral arm activation, tidal density, and so on, are part of the total
correlation. Verley et al. (2010) also try other laws, such as ΣSFR ∝

(

ΣH2ρ
0.5
ISM

)n
,

for which n = 1.16±0.04, and ΣSFR ∝ ρnISM, for which n = 1.07±0.02. These differ
by considering the conversion from column density to midplane density, using a
derivation of the gaseous scale height. The first of these would have a slope of unity
if the star formation rate per unit molecular gas mass were proportional to the
dynamical rate at the average local (total) gas density. The second has the form
of the original Schmidt law, which depends only on density. To remove possible
effects of CO to H2 conversion, Verley et al. also looked for a spatial correlation
with the 160 µ opacity, τ160, which is a measure of the total gas column density
independent of molecule formation. They found ΣSFR ∝ τn160 for n = 1.13± 0.02,
although the correlation was not a single power law but a 2-component power law
with a shallow part (slope ∼ 0.5) at low opacity (τ160 < 10−4) and a steep part
(slope ∼ 2) at high opacity.
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1.3 Explanations for the 1.5 slope

Prior to around 2008, the popular form of the KS law had a slope of around 1.5
when ΣSFR was plotted versus total gas column density on a log-log scale. This
follows from a dynamical model of star formation in which the SFR per unit area
equals the available gas mass per unit area multiplied by the rate at which this
gas mass gets converted into stars, taken to be the dynamical rate,

ΣSFR ∼ ǫΣgas (Gρgas)
1/2

. (1.2)

If the gas scale height is constant, then Σgas ∝ ρgas and ΣSFR ∝ Σ1.5
gas. In the model

of star formation where star-forming clouds are made by large-scale gravitational
instabilities, this 1.5 power law would work only where the Toomre instability
condition, Q ≤ 1.4, is satisfied. Such a model accounts for the Kennicutt (1989,
1998) law with the Q < 1.4 threshold.

Several computer simulations have shown this dynamical effect. Li et al. (2006)
did SPH simulations of galaxy disks with self-gravity forming sink particles at den-
sities larger than 103 cm−3. They found a Q threshold for sink particle formation,
and had a nice fit to the KS law with a slope of ∼ 1.5. Tasker & Bryan (2006)
ran ENZO, a 3D adaptive mesh code, with star formation at various efficiencies,
various temperature floors in the cooling function, and various threshold densities.
Some models had a low efficiency with a low threshold density and other models
had a high efficiency with a high threshold density. Some of their models had
feedback from young stars. They also got a KS slope of ∼ 1.5 for both global and
local star formation, regardless of the details in the models. Kravtsov (2003) did
cosmological simulations using N-body techniques in an Eulerian adaptive mesh.
He assumed a constant efficiency of star formation at high gas density, and star
formation only in the densest regions (n > 50 cm−3, the resolution limit), which
are in the tail of the density probability distribution function (pdf; cf. Elmegreen,
2002; Krumholz & McKee, 2005). Kravtsov (2003) got the KS law with a slope
of 1.4 for total gas surface density. Wada & Norman (2007) did a similar thing,
using the fraction of the mass at a density greater than a critical value from the
pdf (ρcrit = 103 cm−3) to determine the star formation rate. Their analytical
result had a slope of 1.5. Harfst, Theis & Hensler (2006) had a code with a hier-
archical tree for tracking interacting star particles, SPH for the diffuse gas, and
sticky particles for the clouds. They included mass exchange by condensation and
evaporation, mass exchange from stars to clouds (via PNe) and from stars to dif-
fuse gas (SNe), and from clouds into stars during star formation. New clouds were
formed in expanding shells. Their KS slope was 1.7± 0.1. They also got a drop in
ΣSFR at low Σgas, not from a Q threshold but from an inability of the gas to cool
and form a thin disk (cf. Burkert et al., 1992; Elmegreen & Parravano, 1994).

2 The Molecular Star Formation Law

The star formation law may also be written as a linear relation for molecules, with
ΣSFR ∝ Σ1

H2 (e.g., Rownd & Young, 1999). Wong & Blitz (2002) found a SFR in



Bruce G. Elmegreen: Star Formation on Galactic Scales: Empirical Laws 7

direct proportion to molecular cloud density (n = 1), and suggested that the n =
1.4 KS law came from changes in the molecular fraction, fmol = ΣH2/ (ΣHI +ΣH2).
They assumed that H2/CO was constant and determined the combined index n′ =
nmol (1 + d ln fmol/d lnΣgas) where nmol = 1 and fmol increases with pressure, P .
They measured d ln fmol/d lnP ∼ 0.2, and if P ∝ Σ2

gas, then d ln fmol/d lnΣgas ∼

0.4. This gives the KS n = 1.4 law for total gas. Wong & Blitz also suggested
that the stability parameter Q was not a good threshold for star formation, but a
better measure of the gas fraction in the sense that a high Q corresponds to a low
Σgas/Σtot. Blitz & Rosolowski (2006) showed for a wider sample of 13 galaxies
that the molecular ratio, Rmol = ΣH2/ΣHI, scales about linearly with the total
ISM pressure. Interacting galaxies had slightly higher Rmol for a given P , but
among interacting galaxies, the correlation was still present.

A large study of HI, CO, and star formation rates from GALEX ultraviolet and
Spitzer 24µ observations was made by Bigiel et al. (2008) and Leroy et al. (2008).
They considered the local star formation law with a resolution of 750 pc. Bigiel
et al. found that ΣSFR ∝ ΣCO, and that the timescale for conversion from H2 to
stars was about 2 Gyr. Figure 1 (from Bigiel et al., 2008) shows an example of
how much better the SFR scales with CO than either HI or the total gas. The CO
and SFR maps of NGC 6946 resemble each other closely, and neither resembles
the HI map. Bigiel et al. also found that ΣHI saturates to ∼ 9 M⊙ pc−2. When
plotting ΣSFR over a wide range of ΣHI+H2, they found a slope of unity in the
molecular range, ΣHI+H2 > 9 M⊙ pc−2, and higher slope in the atomic range
(ΣHI+H2 < 9 M⊙ pc−2). Figure 2 shows the summed distribution of SFR per unit
area versus total gas column density in 7 spiral galaxies. There is a linear part at
high column density and a steeper part at low column density.

Dwarf galaxies look like the outer parts of spirals in the Bigiel et al. survey,
occupying the steeper part of the ΣSFR − Σgas diagram at low Σgas. At higher
ΣHI+H2, the survey did not have new data, but Bigiel et al. suggested, based

Fig. 1. Maps of HI, CO and SFR in NGC 6946 with HI on the left, CO in the middle

and SFR on the right, all convolved to 750 pc resolution (from Bigiel et al. (2008). The

circle is the optical radius at 25 mag arcsec−2.
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on Kennicutt’s (1998) starburst result, that perhaps the KS law turned up to a
steeper slope (n ∼ 1.4) in a third regime of star formation where ΣH2 exceeds the
standard column density of a single molecular cloud (around 100 M⊙ pc−2).

Leroy et al. (2008) compared these new survey results to various theoretical
models. They found that the star formation time in CO-rich gas is universally
1.9 Gyr, independent of the average local free fall or orbital time, the midplane
gas pressure, the state of gravitational stability of the disk with or without the
inclusion of stars in the stability condition, and regardless of the rate of shear
or the ability of a cold gas phase to form. Star formation depends only on the
presence of molecules and it proceeds at a fixed rate per molecule. Leroy et al. also
found that dwarf galaxies are forming stars at their average historical rate, whereas
spirals are forming stars at about half of their average rate. In the outer disk, the
SFR in HI drops with radius faster than the free fall time, suggesting self-gravity
is not the lone driver. Also important are the phase balance between HI and H2,
giant molecular cloud (GMC) destruction, stellar feedback, and other processes.
These processes govern the presence of GMCs with an apparently constant star
formation efficiency in each GMC.

Unlike the star formation rate per molecule, the molecule-to-atom ratio does

Fig. 2. The distribution of SFR per unit area versus total gas column density, convolved

to 750 pc, for 7 spiral galaxies (from Bigiel et al. (2008). There is a change in the slope

from ∼ 4 at ΣHI+H2 < 9 M⊙ pc−2 (the vertical dashed line) in the outer disk to ∼ 1

at higher ΣHI+H2 in the inner disk. The short-dashed lines correspond to gas depletion

times of 0.1 Gyr, 1 Gyr, and 10 Gyr, from top to bottom.
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correlate well with environmental parameters. Leroy et al. (2008) showed approx-
imately linear correlations with stellar surface density and interstellar pressure, an
inverse squared dependence on the orbit time, and an exponential dependence on
the galactic radius, like the rest of the disk, and with a comparable radial scale
length. The molecular fraction is a smooth function of environmental parame-
ters (e.g., pressure); no thresholds were seen. Disks seem to be marginally stable
throughout.

Leroy et al. concluded by noting that the HI-H2 transition in spirals typ-
ically occurs at 0.43 ± 0.18 R25, which is about the same as where Σstars =
81 ± 25 M⊙ pc−2, Σgas = 14 ± 6 M⊙ pc−2, P = 2.3 ± 1.5 × 104kB K cm−3,
and Torbit = 1.8 ± 0.4 Gyr. There should be unobserved H2 in dwarfs, according
to the high star formation rates and low CO emissions there; in fact Leroy et al.
estimate for dwarfs ΣH2 ∼ 2ΣHI in the inner regions.

Where ΣHI > ΣH2, the star formation efficiency is proportional to Σstars, mak-
ing

ΣSFR ∼ Σgas ×
[

Σstars/81 M⊙ pc−2
]

/1.9 Gyr. (2.1)

2.1 Theoretical Models for the Bigiel-Leroy Observations

Krumholz et al. (2008) considered the molecule formation problem by starting
with the radiative transfer of H2-dissociating radiation: dF/dz = −nσdF−fHIn

2R/fdiss.
Here, F is the flux in Lyman-Werner bands that dissociate H2, n is the density
(∼ 30 cm−3 near the H2 transition), σd is the dust cross section per H (10−21

cm2), fHI is the fraction of n that is HI, R is the rate coefficient for formation of
H2 on grains (∼ 3 × 10−17 cm3 s−1; i.e., the formation rate is fHIn

2R), and fdiss
is the fraction of uv photon absorptions that dissociate H2 (∼ 0.1).

The solution to this radiative transfer equation is F (τ) =
(

e−[τ−τHI] − 1
)

/χ
where τHI = ln(1+χ); χ = fdissσdcE0/nR is the ratio of absorption in dust to H2,
and E0 is the free space photon number density (∼ 7.5×10−4 cm−3). Krumholz et
al. (2008) assume that the cold neutral density comes from two phase equilibrium.
Then n scales with E0 and χ becomes nearly constant. From this they get the
extinction, AV, to the HI/H2 transition, the HI column density, ΣHI, and the
molecular fraction in spherical cloud complexes as a function of the complex total
column density. They do this also as a function of metallicity.

After considering a galactic cloud population, Krumholz et al. (2009a) derive
ΣHI versus Σtotal gas for different metallicities, and compare this with observations
of galaxies having those metallicities. They do the same for H2. They also com-
pare the observed versus the predicted correlation between H2/HI and pressure
P . To do this, they use the observed Σtotal gas and metallicity, and then compute
RH2 = ΣH2

/ΣHI from theory. This is plotted versus the observed pressure from
Blitz & Rosolowski (2006) and Leroy et al. (2008). The agreement is good.

Krumholz et al. (2009b) considered the star formation law,

ΣSFR = ΣgasfH2SFRff/tff (2.2)
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where the star formation rate in a free fall time is the fraction of the gas that
turns into stars in a free fall time, SFRff , divided by the free fall time, tff . This is
SFRff/τff = (M−0.33

6 /0.8 Gyr)×Max[1,Σgas/85 M⊙ pc−2]; M6 is the cloud mass
in units of 106 M⊙. This equation assumes that stars form in the high density
tail of a log-normal density pdf, with the tail width given by the Mach number; a
fraction of 0.3 of the dense gas mass goes into stars. The clouds are virialized and
at uniform pressure until the galactic Σgas exceeds the column density of a single
GMC; then the pressure equals the galactic pressure. Also, the cloud complex
mass is taken to be M6 = 37Σgas/(85 M⊙ pc−2) from the galaxy Jeans mass.

This theory for molecule formation and star formation in a galactic environment
fits well to the observations by Bigiel et al. (2008) and Leroy et al. (2008). It
reproduces the low column density regime by having a low ratio of molecules
to atoms at low pressure, it reproduces the intermediate column density regime
by having a fixed star formation rate per molecule and an areal average star
formation rate from the areal density of molecular clouds at constant pressure,
and it reproduces the high column density regime by increasing the interstellar
pressure, which makes the cloud density go up and the free fall time go down. A
key point in their model is that molecular cloud pressures are constant in normal
galaxy disks because they are set by HII region pressures (feedback) and not the
galactic environment. In this sense, all GMCs have to be parts of shells or other
active disturbances formed by high pressures.

We know that molecular cloud pressures in the Milky Way are about constant
from the Larson (1981) laws, which require this for virialized clouds, but we don’t
really know the reason for it. It could be feedback, as Krumholz et al. (2009b)
suggest, or it could be the weight of the HI shielding layer, which has a regulatory
effect on pressure (Elmegreen, 1989). This regulatory effect works because at
high ambient pressure, the atomic density on the periphery of molecular clouds is
high and so the required surface column density for H2 line self-shielding is low,
and vice versa. The pressure at the bottom of the shielding layer, which is the
molecular cloud surface pressure, scales directly with the column density of the
shielding layer. Thus a lower intercloud pressure is compensated by a higher HI
column density at the molecular cloud surface, making the molecular cloud surface
pressure somewhat uniform.

Robertson & Kravtsov (2008) simulated star formation in galaxies. They took
a star formation rate per unit volume

dρstars/dt = fH2 × (ρgas/tSF)× (nH/[10 cm−3])0.5 (2.3)

where tSF = tff/ǫff is the free fall time, tff , divided by the fraction of the gas
that turns into stars in a free fall time, ǫff = 0.02. To determine the molecular
fraction, fH2, they considered heating and cooling, a radiation field proportional to
the SFR, the Sternberg, et al. (2002) H2 formation theory, and radiative transfer
using the Cloudy code. The result was a SFR that scaled steeply with the total
gas column density, as observed, a higher KS slope for lower mass galaxies, which
is also observed, and a shallower KS slope for the H2 column density alone, as
in the molecular KS law. These results were somewhat independent of galaxy
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mass. The molecular/atomic ratio also scaled with pressure in an approximately
linear fashion, regardless of galaxy mass, as observed. They also found a stability
parameter Q that ranged from unstable in the inner, star-forming parts of the
disk, to stable in the outer regions.

2.2 Observations and Models of Outer Disks

Murante et al. (2010) have a multi-phase SPH code that assumes pressure deter-
mines the molecular abundance, and the molecules give the SFR. Below Σtotal gas ∼

10 M⊙ pc−2, the slope of the molecular star formation law turns out to be very
steep, ΣSFR ∝ Σn

total gas for n ∼ 4. Above 10 M⊙ pc−2, the slope is the same as
in the Kennicutt law, n = 1.4, which is steeper than in Bigiel et al. (2008), where
n ∼ 1 for the molecular Schmidt law.

Bush et al. (2010) simulated galactic star formation with special attention to
the outer disks. The star formation model followed Springel & Hernquist (2002)
with radiative cooling, star formation in the cold phase, no specific molecular
phase, and a volume-Schmidt law, ρSFR ∝ ρ1.5total gas. They found patchy star
formation in the outer parts, usually along spiral arcs where the gas density was
high. This morphology is in agreement with GALEX observations (Thilker et al.,
2005; Gil de Paz et al., 2005). The Bigiel et al. and Leroy et al. observations were
matched qualitatively in these outer parts too: below Σgas ∼ 10 M⊙ pc−2, the
slope n ∼ 6 to 8 was steeper than in the observations (which also plot SFR versus
total gas in the outer regions). Then it was less steep at higher column density,
with a slope of n ∼ 1.4, which agrees with the Kennicutt (1998) slope for total
gas.

Outer disks can be Toomre-stable on average because the gas and star column
densities are very low. This is especially true for dwarf galaxies (Hunter et al.,
1998). It might be that magnetic fields and viscosity destabilize outer disks, as
discussed in Section 1.1, but in any case, outer disks appear to be much more stable
than inner disks. More importantly, the gas is outer disks is often far from uniform
and the use of an average column density for Q is questionable. Locally there can
be islands of high column density where Q is small enough to be in the unstable
region (van Zee et al., 1996). These islands have to be larger than the Jeans mass,
which might be 107 M⊙. Spiral arms and large disturbances in pressure could
make unstable regions like this. Dong et al. (2008) found unstable islands of star
formation in the outer part of M83. In these regions, the star formation followed
a steep KS law from point to point with a slope of about 1.4 (Dong et al., 2008).

Bigiel et al. (2010a) found that outer disk star formation seen by GALEX fol-
lows the HI very well in M83, with a uniform consumption time of 100 Gyr per atom
beyond 1.5R25. The form of the star formation is mostly in spiral arms. Outer
disk arms could be spiral waves radiating from the inner disk (Bertin & Amorisco,
2010).

Boissier et al. (2008) observed the galaxy-integrated KS law in low surface
brightness galaxies, using a SFR fromGALEX NUV observations. For a given total
HI mass, the star formation rate was low by a factor of ∼ 5 compared to normal
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spirals, but over the whole range, the total star formation rate scaled directly with
the HI mass. This is not the same as saying that the star formation rate per
unit area scales directly with the HI column density because the observations are
spread out in a plot like this with big galaxies on one side and small galaxies on
the other.

Bigiel et al. (2010b) studied SF rates in the far-outer disks of 17 spiral and 5
dwarf galaxies, where the gas is highly HI dominated. The SF laws compare well
with those in dwarf galaxies. There is no obvious Q threshold. They suggest that
the total SF Law has three components, the extreme outer disk component that is
HI dominated, a transition region where the molecular fraction increases to near
unity, the molecular region inside of that, and the starburst component, where the
surface density is higher than that of a single GMC.

2.3 Scaling relations inside individual clouds

Krumholz & Tan (2007) showed that the conversion rate from gas to stars per unit
free fall time is about constant inside clouds over a wide range of densities. This
implies that the SFR per unit volume scales with the 1.5 power of density, with
the first 1 in the power coming from the mass per unit volume, and the 0.5 in
the power coming from the free fall rate. This is like a KS law, but for individual
GMCs. There is also a threshold column density for star formation inside GMCs
of around ∼ 5−7 mag in V (Johnstone et al., 2004; Kirk et al., 2006; Enoch et al.,
2006; Jørgensen et al., 2007).

Chen et al. (2010) studied the KS relation for individual GMCs in the LMC.
They measured the star formation rate from both HII regions and by direct count-
ing of young stellar objects. For YSO counting, the rate per unit area inside a
cloud approximately satisfies the total-gas Kennicutt relation with the same time
scale per atom, ∼ 1 Gyr. For these regions, ΣHI+H2

∼ 100 M⊙ pc−2, larger than
in the main parts of galaxy disks. Chen et al. also found that the areal rate of star
formation was much lower in the long molecular ridge south of 30 Doradus than
in the GMCs. Presumably this ridge is not strongly self gravitating, even though
it is CO-rich.

3 Summary

The empirical star formation law on kpc scales is essentially one where star for-
mation follows CO-emitting molecular gas with a constant rate per molecule, and
the ratio of molecular to atomic gas scales nearly directly with the ISM pressure
(Bigiel et al., 2008; Leroy et al., 2008). The rate per molecule corresponds to a
consumption time of molecular gas equal to about 2 Gyr. The place in a galaxy
where the transition occurs between HI dominance in the outer part to H2 domi-
nance in the inner part is at a pressure of P = 2.3 ± 1.5× 104kB K cm−3. There
also tend to be characteristic gas and stellar column densities at this place, and
a characteristic galactic orbit time for all of the galaxies observed. Beyond this
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radius is the atomic-dominated outer disk. There, the SFR scales directly with
ΣHI, and the consumption time is about 100 Gyr.

Theoretical models of these empirical laws include the atomic-to-molecular
transition in individual clouds and a sum over clouds to give the galactic scaling
laws. Star formation occurs only in the densest parts of the clouds, as determined
by a combination of turbulence-compression and self-gravity. Numerous simula-
tions of star formation in galaxies can reproduce these empirical laws fairly well.
The simulations usually show a sensitivity to the Toomre Q parameter, unlike the
observations.
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STAR FORMATION IN SPIRAL ARMS

Bruce G. Elmegreen1

Abstract. The origin and types of spiral arms are reviewed with an

emphasis on the connections between these arms and star formation.

Flocculent spiral arms are most likely the result of transient instabilities

in the gas that promote dense cloud formation, star formation, and

generate turbulence. Long irregular spiral arms are usually initiated by

gravitational instabilities in the stars, with the gas contributing to and

following these instabilities, and star formation in the gas. Global spiral

arms triggered by global perturbations, such as a galaxy interaction,

can be wavemodes with wave reflection in the inner regions. They might

grow and dominate the disk for several rotations before degenerating

into higher-order modes by non-linear effects. Interstellar gas flows

through these global arms, and through the more transient stellar spiral

arms as well, where it can reach a high density and low shear, thereby

promoting self-gravitational instabilities. The result is the formation

of giant spiral arm cloud complexes, in which dense molecular clouds

form and turn into stars. The molecular envelops and debris from these

clouds appear to survive and drift through the interarm regions for a

long time, possibly 100 Myr or more, with lingering spontaneous star

formation and triggered star formation in the pieces that are still at

high-pressure edges near older HII regions.

1 Introduction

An important feature of many disk galaxies is their spiral structure, which, for the
MilkyWay, has been connected with star formation since Morgan, Whitford & Code
(1953) found concentrations of OB stars in the Sagittarius spiral arm of the Milky
Way. This connection suggests that spiral arms trigger star formation, which
makes us wonder how such triggering might fit in with the global star formation
laws discussed in the previous lecture. The answer is that spiral arms have very
little influence on large-scale star formation rates, but they do organize the star
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formation in a galaxy. This is probably because most of the gas that can turn
molecular, i.e., inside shielded regions at normal interstellar pressure, has already
done so in the main disks of galaxies, and because this molecular gas is already
forming stars as fast as it can. Star formation in this case may be viewed as
saturated (Elmegreen, 2002). Additional cloud collisions in spiral shocks, or new
cloud formation in spiral arms, does not add much to the molecular mass and star
formation– it only moves it around. This may not be true in the outer parts of
galaxies, where the gas is highly atomic. There, dynamical processes such as spiral
arms could affect the average star formation rate. There is very little known about
outer disks yet, so the influence of outer spiral arms on average star formation rates
remains an open question.

In this lecture, we begin with a description of spiral waves and the various
theories for them. Then we discuss detailed models for how spiral arms interact
with the gas and affect the formation of giant clouds. We also discuss the interarm
clouds and the apparent aging and destruction of dense clouds as they move to
the next arm.

2 Spiral Waves and Modes

Bertil Lindblad (1962) noticed that Ω − κ/2 for angular rotation rate Ω and
epicyclic frequency κ was about constant with radius in galaxy disks. He sug-
gested that spirals are fixed patterns with an angular rotation rate Ω−κ/2, moving
through a disk of stars with a radial variation in the stellar rotation rate Ω. Thus
stars and gas move through the spiral pattern. This was the beginning of spiral
density wave theory, although it was not quite right yet. Lindblad showed rotation
curves for 3 galaxies, Ω versus κ, and a nearly constant Ω− κ/2. Rotation curves
were difficult measurements at that time, and derivatives in the rotation curves,
as in the evaluation of κ, were highly inaccurate.

The main problem with Lindblad’s theory was that it had no forcing. Also,
Ω − κ/2 is not quite constant. Lin & Shu (1964) introduced a more dynamically
correct spiral density wave theory. They realized that Ω− κ/2 could be forced by
the spiral’s gravity to a radial-constant value, even if it was not constant from the
average rotation curve. Then the stellar orbits could be closed for a wide range
of radii at a fixed pattern speed. The angular pattern speed would be slightly
different from Ω−κ/2, and where it equaled this value, there would be a resonant
interaction between the forcing from the spiral and the stellar epicyclic motions.
This resonance would absorb wave energy and put it into random stellar motions,
causing the wave to stop propagating at this place. This position became known as
the inner Lindblad resonance. Another resonance position is where Ω+κ/2 equals
the spiral pattern speed. This is the outer Lindblad resonance. Other resonances
at Ω−κ/3 and Ω+κ/3, occur as well, limiting the range for three-arm spirals in this
case. There are similar limits for 4 arm spirals, etc., and finally the last resonance
where Ω itself equals the pattern speed. This is the corotation resonance, where
the same stars are always inside the wave crest, following it around at the same
angular speed.
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The Lin-Shu mechanism works because just inside an arm, spiral gravity pulls
a star outward for short time, slowing it down a little as it rises in its epicyclic
path. Just outside an arm, spiral gravity pulls the star inward, speeding it up as
it falls inward in its epicyclic motion. These slow-downs and speed-ups cause the
ends points of each epicycle to advance a little, closing the orbits in a rotating
frame with a rate Ωp such that Ω− κ/2 < Ωp < Ω+ κ/2. The gravitational effect
can be seen in the dispersion relation written by Toomre (1969):

(ω −mΩ[r])
2
= κ2(r) − 2πGΣ(r)kF(χ) (2.1)

where ω is the rate of change of the spiral phase in a fixed coordinate system,
equal to m times the pattern speed, m is the number of symmetric spiral arms, Σ
is the mass column density in the disk, k is the wavenumber, and F is an integral
over stellar motions that depends on χ = k2σ2

u/κ
2 for rms radial speed of the stars

σu. Lindblad’s theory did not have the last term on the right, which is from disk
gravity. Traveling waves exist for Toomre parameter Q > 1, i.e., for disks that are
stable to radial perturbations.

Toomre (1969) noted that although the Lin-Shu dispersion relation for spiral
waves has a phase velocity equal to the proposed pattern speed, it also has a group
velocity which causes the wave crests to move inward, i.e., the spirals wrap up.
Thus the “quasi-stationary” spiral density wave theory of Lin, Shu, Roberts, Yuan,
and other collaborators at that time, did not work as they originally proposed.
Toomre showed that for a flat rotation curve, disk-dominated gravity, and constant
stability parameter Q, the Lin-Shu dispersion relation becomes relatively simple,

(ω −mΩ) /κ =
(

m/21/2
)

[(r/rCR)− 1] (2.2)

for radius r and corotation radius rCR. In this case, the time derivative of the
dimensionless wavenumber increases at a rate equal to half the rate of change in
the phase, ω/2. When the wavenumber increases with time, the spirals get closer
together, which means they migrate inward. This is a fast migration, almost as
fast as purely material arms would wrap up from shear.

Toomre (1969) proposed that spirals are not quasi-stationary, but transient,
provoked either by interactions (Toomre & Toomre, 1972) or noise (Toomre & Kalnajs,
1991). Kormendy & Norman (1979) noted that “grand design” spirals are either
in barred galaxies, in the rising parts of rotation curves (where Ω − κ/2 ∼ 0) or
in interacting galaxies. This would be consistent with Toomre’s picture. Toomre
(1981) identified the cause of transient spirals as “swing amplified instabilities.”
Many groups have studied these instabilities numerically (e.g., Fuchs et al., 2005).

The quest for a theory of quasi-stationary spiral structure was not over, though.
Mark (1974), Lau et al. (1976), and Bertin et al. (1989) proposed a “modal the-
ory” in which inward-moving waves reflect or refract off of a bulge or bar and come
back out as leading (WASER2; reflection) or trailing (WASER1; refraction) spiral
arms. When they reach the corotation resonance moving outward, they amplify.
Part of the wave then turns around to come back in and another part of the wave
keeps going outward. The result is a standing wave pattern, amplified from initial
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disk noise at corotation and forming a long-lived grand-design spiral. The coro-
tation radius is where the outward-moving wave meets the inward-moving wave
on the opposite side of the galaxy for a two-arm spiral. If the outward moving
wave is leading, then at the meeting place, the swing amplifier can transform this
leading wave into a strong trailing wave. For example, an inward moving wave
starting at corotation in one arm of a two-arm spiral can reflect off of a bulge and
move back out as a leading wave until it meets the other arm at the same radius
where it started. It amplifies as it is converted into a trailing arm, adds to the
original trailing arm, and then a stronger trailing arm comes in again. Trailing
waves that start at different radii will not reflect and meet the opposite arm at the
same radius, and so will not add to the original wave after amplification. Thus,
out of all the disk noise and small spirals that they initiate, only the spiral with
the ability to amplify reflected or refracted waves and reinforce itself will grow.
This defines the corotation radius. Bertin et al. (1989) described this process in
detail.

Spiral wave modes could exhibit an interference pattern between the inward and
outward moving waves. Interference acts to modulate the amplitudes of the main
arms or it may introduce slight phase shifts in the main arms. Such modulation
is present in the model solutions shown by Bertin et al. (1989). Elmegreen et al.
(1992) reported such interference patterns, but a more modern analysis is needed.

The various theories of spiral wave formation may be reduced to four basic
types: random and localized swing-amplified spirals that are primarily in the gas
(because the stellar disk is somewhat stable); random and localized swing-amplified
spirals that are in the stars and the gas together; transient global waves that are
in the stars and gas, and standing wavemodes that are in the stars and gas. The
first type produces flocculent spiral arms and a smooth underlying stellar disk
(e.g., NGC 5055), the second type produces multiple stellar and gaseous arms
(e.g., NGC 3184), the third type produces long spiral arms in the stars and gas
(e.g., NGC 628), and the fourth type produces strong two-arm spirals in the stars
and gas, usually in response to some global perturbation like a galaxy interaction
(e.g., M51, M81). Aside from M81, these galaxy examples were chosen from the
THINGS survey (Walter et al., 2008).

A spiral wavemode may be compared to the pure-tone ringing of a bell after
some multi-frequency impact disturbs it (e.g., it is hit by a hammer or bowed by
a violin string). Random swing-amplified spirals have been called spiral chaos.
They are the primary response to gravitational instabilities in the stars and gas
and therefore have a strong connection with star formation and the origin of in-
terstellar turbulence in the absence of global wavemodes (e.g., Thomasson et al.,
1992; Bournaud et al., 2010). Global spiral waves or wavemodes also have a con-
nection with star formation because of the way they force the gas into a dense
molecular phase in the dust lanes (which are shock fronts) and organize it to
follow the underlying stellar spiral.
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3 Motions in Spiral Arms

Because of the forcing from gravity, spiral arms induce a reverse shear in the stellar
rotation, slowing down the stars on the inner parts and speeding up the stars on
the outer parts of each arm Roberts (1969). This reverse often cancels the normal
shear from average orbital motions, and makes an arm that has very little internal
shear. The arm forcing from gravity also pulls everything in the arm toward the
center of the arm, i.e., in a convergent manner, which is opposite to the tidal
force from the surrounding galaxy. Thus spiral arms also have reduced galactic
tidal forces (Elmegreen, 1992). These conditions are good for the formation of
large cloud complexes, which are only weakly bound at the start. Giant clouds
that form by gravitational instabilities in spiral arms do not immediately shear
out into little spirals, and this allows them to grow. When they emerge from the
arm, the shear rate and tidal disruption rate increase a lot, and the low-density
parts of the clouds can come apart. They can also form feathers and spurs. Such
feathering is commonly seen (La Vigne et al., 2006). Feathers occur primarily in
grand design (2-arm) galaxies with prominent dust lanes. The feathers are closer
where gas density is highest, as expected for gravitational instabilities. Their
separation is 5− 10 Jeans lengths in the dust lane (La Vigne et al., 2006).

The peculiar motions from spiral arm gravity and Coriolis forces cause the
gas and stars to stream along the spiral arms when they are in the arms, and to
expand away from the arms when they are between the arms. Streaming motion of
the gas can be very strong, perhaps 50 km s−1 or more, as in M51 (Shetty et al.,
2007). Radial streaming changes sign at corotation and the observation of this
allows one to locate the corotation resonance radius (e.g., Elmegreen et al., 1998).
Streaming motions also allow one to measure the timing of the star formation
response to the spiral arm (Tamburro et al., 2008). The streaming pattern for
gas tends to be inward inside the main parts of the arms inside the corotation
radius, and outward in the interarms inside corotation. This pattern of radial
motions relative to the arms reverses outside of corotation. Thus the gas and star
formation in outer disk spirals, as viewed, for example, by GALEX, should be
streaming with positive galacto-centric radial velocities, whereas the gas and star
formation in inner disk spirals should be streaming with negative galacto-centric
radial velocities. Shetty et al. (2007) found a net radial inward streaming flux for
the inner part of M51, including both the arms and the interarms. They suggested
that this meant a non-steady spiral pattern.

4 Magnetic Fields in Spiral Arms

The magnetic fields of spiral galaxies have been extensively observed, particular
by Rainer Beck and collaborators (e.g., Braun et al., 2010) using Faraday rota-
tion. In NGC 6946 (Beck, 2007), the field structure is uniform in the interarm
regions, probably from the combing action of shear with little disruption from star
formation. It is more chaotic in the arms, and even weaker on average in the arms
than the interarms because of the strong random component in the arms. The
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total field strength in the arms should be higher than in the interarms because of
compression from the spirals, but this higher field strength might not be seen with
rotation measures if the field direction fluctuates on small scales.

Gravitational instabilities in spiral arm gas are enhanced by the lack of shear
and the magnetic field (Elmegreen, 1987), which tends to run parallel to the arms
in the direction of the unstable flow. This field removes angular momentum from
a growing condensation, as mentioned in Lecture 1. Kim & Ostriker (2001) have
dubbed this the Magneto-Jeans instability, and modeled it numerically. Gas col-
lapses along spiral arms into giant cloud complexes, aided by the parallel magnetic
field. The dense gas then emerges downstream from the arms as interarm feathers.

5 Gravitational Instabilities in Spiral Arms

Gas rich galaxies with weak stellar spirals have more interarm gas and star for-
mation than galaxies with strong stellar spirals. In weak-arm spiral galaxies, local
swing-amplified instabilities in the gas become prominent and these can occur al-
most anywhere. In galaxies with strong, global stellar waves, the magneto-Jeans
instability forms giant cloud complexes primarily in the spiral arms, where the
density is high and the shear is low.

Figure 1 shows a Hubble Space Telescope image of the galaxy NGC 4414, which
has numerous patches of star formation in the midst of a faint 2-arm structure.
This is an example of the first type mentioned in the previous paragraph. Figure
2 shows an HST image of M51, a strong two-arm spiral with little star formation
between the stellar arms. This is an example of the second type.

Stellar spirals define two scales, 2πGΣ/κ2, which is the “Toomre length”

Fig. 1. Hubble Space Telescope image of NGC 4414, from multiple passbands.
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(Toomre, 1964) separating the spirals, and 2σ2/GΣ, which is the Jeans length
separating the condensations in the spirals. The Jeans length is about three times
the arm width and physically smaller inside the dense dust lanes. The beads on a
string seen in spiral arms are giant star complexes. Each has a feather or spur of
dust from a spiral wave flow downstream. This is clearly visible in the HST image
of M51, shown in Figure 2. In the interarm regions of M51, young stars are still in
star complexes that are aging. Lingering star formation and triggered star forma-
tion occur in the interarm fields of cloudy debris. Further downstream, the cloud
envelopes are more diffuse but there is still a little star formation in some of them
(Fig. 3). The molecular envelopes of GMCs must be long-lived to survive as far
as they do downstream from the arms, ∼ 100 Myr or more. This seems to require
magnetic support in the cloud envelopes (Elmegreen, 2007). Further downstream,
almost at the next spiral arm, the cloudy debris from the previous arm has little
associated star formation. There appears to be a lot of diffuse molecular gas indi-
cated by these interarm dust features. They coagulate into a dust lane when they
reach the next arm.

At a very basic level, a gravitational instability in a spiral arm, or in a spiral
arm dust lane (Elmegreen, 1979) can be viewed as an instability in a cylinder.

Fig. 2. Hubble Space Telescope image of NGC 5194, from multiple passbands.
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Such instabilities occur when
πGµ/σ2 ≥ 1 (5.1)

where µ is the mass per unit length in the cylinder and σ is the velocity dispersion.
The fastest growing mode has a wavelength of about 3 times the cylinder width
(Elmegreen & Elmegreen, 1983).

There is also enhanced star formation at the end of some strong bars. This is
most likely a crowding effect from the gas that turns a corner there in its orbit
relative to the bar (Lord & Kenny, 1991). The inner, nearly straight, dust lanes in
many bars do not contain much star formation and look non-self gravitating. This
is probably because of high shear and radial tidal forces. Inside this dustlane,
in the center of the bar, there is often a ring close to the inner Lindblad reso-
nance (Buta & Combes, 1996). This ring also has two characteristic scales, the
thickness in the radial direction and the Jeans length. ILR rings develop major

Fig. 3. Enlargement of the Western interarm region of M51, from the Hubble Space

Telescope image. Dark dust clouds with small amounts of star formation, or no evident

star formation, are seen. Some are at the edges of old OB associations and may contain

triggered star formation.
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sites of star formation, or “hot-spots” along them, with a separation of around the
Jeans length, probably because of local gravitational instabilities in the gas (e.g.,
Elmegreen, 1994).

6 Star Formation in Spiral Arms

What is the relationship between HI, CO and star formation in spiral arms? The
gas is generally compressed more than the stars in a spiral density wave or swing-
amplified transient spiral, and if star formation follows the gas, then the blue light
from star formation will be enhanced more than the yellow and red light from old
stars. This makes the spirals arms blue. The Bigiel et al. (2008) and Leroy et al.
(2008) correlation between SF rate and CO, which is a very tight correlation,
implies that there is little difference in the rate per unit CO molecule for gas in
strong-arm galaxies compared to gas in weak-arm galaxies.

The morphology of gas in the arms tells something about the star formation
process. Grabelsky et al. (1987) showed that most of the CO clouds in the Carina
arm of the Milky Way are clustered together in the cores of 107 M⊙ HI clouds.
Elmegreen & Elmegreen (1987) found the same for the Sagittarius spiral arm.
Lada et al. (1988) observed a similar HI envelope-CO core structure in a piece of
a spiral arm in M31. Engargiola et al. (2003) showed a complete map of M33 with
numerous CO clouds in the cores of giant HI clouds. The presence of giant HI
clouds in spiral arms has been known for a long time (e.g., for the Milky Way:
McGee & Milton 1964; for NGC 6946: Boulanger & Viallefond 1992). Now it looks
like most dense molecular clouds are in the cores of giant spiral arm HI clouds, or
if the gas is highly molecular at that radius in the disk, in the cores of giant clouds
that are also highly molecular. This means that GMCs form by condensation inside
even larger, lower-density clouds. The large HI/CO clouds, in turn, probably form
by gravitational instabilities in the spiral arm gas, particularly in the dust lanes
where the spiral shock brings the gas to a high density. Recall from Lecture 1
that the largest unstable clouds have the Jeans mass in a galaxy disk, given the
observed turbulent speed and column density (i.e., M ∼ σ4/G2Σgas ∼ 107 M⊙).

In the Milky Way and M33, giant spiral arm clouds are mostly atomic, but
in M51, they are mostly molecular (Ranf & Kulkarni, 1990). This difference is
presumably because the arms in M51 are much stronger than the arms in the
Milky Way and M33, and the gas is denser overall in M51 as well. Thus, the
pressure is higher in M51, particularly in the arms, and the gas is more highly
molecular there and everywhere else in the inner disk. The physical process of
giant cloud formation should be the same in all three cases, however.

Gravitational instabilities also seem to initiate cloud and star formation on the
scale of whole galaxies. This process is clear in many regions, such as Stephans
quintet (Mendes de Oliveira et al., 2004), NGC 4650 (Karataeva et al., 2004), and
in the tidal arcs of NGC 5291 (Bournaud et al. 2007), where there are massive
condensations in tidal features.

Dobbs & Pringle (2009) studied gravitationally bound clouds in an SPH simu-
lation. In the spiral arms, large regions formed by gravitational instabilities where
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gravity balanced thermal, turbulent and magnetic energies. When they used a
star formation rate equal to 5% of the bound gas column density divided by the
dynamical time, plotted versus the total gas column density, they reproduced the
Kennicutt (1998) and Bigiel et al. (2008) star formation laws over the range of
overlap. They noted that the star formation law is linear with column density
because the dynamical time inside each bound cloud is the same, i.e., they all
have the same density. They answered the long-time question of whether density
waves trigger star formation (Elmegreen & Elmegreen, 1986) by saying, no, there
is no correlation between the average column density of star formation and the
spiral arm potential depth. The reason is that stronger spiral waves make clouds
with higher velocity dispersions and they are harder to bind into gravitating cloud
complexes. The fraction of the bound gas in spiral arms increases with the spiral
strength, but not the star formation rate.

Observations of spiral arm star formation and gas distributions also suggest
there is little triggering (Foyle et al., 2010). The primary effect of the spiral is to
concentrate the gas in the arms without significantly changing the star formation
rate per unit gas.

7 Summary

Spirals can, in principle, be of 4 types: (1) Transient gravitational instabilities in
the gas, causing “flocculent spirals,” with too much stability in the stellar disk
to give prominent stellar spiral waves. (2) Transient gravitational instabilities in
the stars, with the gas adding force and following the stars. The gas and stars
move through these transient spirals a little, but not around from arm to arm
in a full circle as in idealized global stellar modes and waves. (3) Global stellar
waves that are non-steady with a pattern speed that varies with radius and whose
patterns wrap up toward the center over time. Stars and gas move through these
spirals. (4) Global stellar wave modes that are “standing waves,” with a uniform
pattern speed between the Lindblad resonances. Gas and stars move through these
standing waves with corotation approximately at mid-radius in the spiral.

Young stars concentrate in spiral arms because the gas concentrates there. Spi-
ral arms are dense and promote more gravitational instabilities and cloud collisions
than the interarm regions, triggering molecular cloud formation and conglomera-
tion in the arms. The star formation rate per unit area is high in the arms as a
result. This excess star formation rate is mostly in proportion to the extra molec-
ular gas column density there, without a significant change in the star formation
rate per unit molecular gas mass. The total galactic star formation rate in the
main disk is not significantly enhanced by the presence of spiral arms. That is like
saying the gas would have formed the same abundance of molecular clouds even
without the arms. Outer disks may be different. They may have an excess of total
star formation if there are spiral arms there, but this excess has not been observed
yet. The difference between inner disks and outer disks is that inner disks are
highly molecular and star formation in the gas is virtually saturated. Outer disks
are mostly atomic and without star formation, so triggering a higher rate of star
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formation might be possible with dynamical disturbances.
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STAR FORMATION PATTERNS AND HIERARCHIES

Bruce G. Elmegreen1

Abstract. Star formation occurs in hierarchical patterns in both space
and time. Galaxies form large regions on the scale of the interstellar
Jeans length and these large regions apparently fragment into giant
molecular clouds and cloud cores in a sequence of decreasing size and
increasing density. Young stars follow this pattern, producing star
complexes on the largest scales, OB associations on smaller scales, and
so on down to star clusters and individual stars. Inside each scale and
during the lifetime of the cloud on that scale, smaller regions come and
go in a hierarchy of time. As a result, cluster positions are correlated
with power law functions, and so are their ages. At the lowest level in
the hierarchy, clusters are observed to form in pairs. For any hierarchy
like this, the efficiency is automatically highest in the densest regions.
This high efficiency promotes bound cluster formation. Also for any
hierarchy, the mass function of the components is a power law with a
slope of around −2, as observed for clusters.

1 Introduction

Local Open Clusters in the compilation by Piskunov et al. (2006) seem at first to
have a random distribution in the galactic plane, with the local spiral arms barely
visible and no obvious age gradients or patterns. They have been known to be
grouped into star complexes (Efremov, 1995) and moving groups (Eggen, 1989)
for a long time, but there has been little other patterning recognized. Now this is
beginning to change. The groupings and complexes are better mapped using new
velocity and distance information. Piskunov et al. (2006) and Kharchenko et al.
(2005) catalogued “Open Cluster Complexes,” in which many clusters have similar
positions, velocities and ages inside each complex. For example, one is in the
Hyades region and another is in Perseus-Auriga. Perseus-Auriga surrounds the
Sun and lies in the galactic plane over a region 1 kpc in size with a log(age)
between 8.3 and 8.6, in years. Gould’s Belt is another Open Cluster Complex. It
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has a log age less than 7.9 and lies in a thin plane tilted to the main galactic disk
by an angle of 20◦ surrounding the Sun.

de la Fuente Marcos & de la Fuente Marcos (2008) identified five Open Clus-
ter Complexes from the positions and velocities of clusters within 2.5 kpc of Sun.
These are: Scutum-Sagittarius at a galactic longitude of l = 12◦ and a distance of
1300 pc, Cygnus at l = 75◦ and 1400 pc, Cassiopeia-Perseus at l = 132◦ and 2000
pc, Orion at l = 200◦ and 500 pc, and Centaurus-Carina at l = 295◦ and 2000 pc.
These authors suggest that Open Cluster Complexes are fragments from common
gas clouds. Within their limiting distance of 2.5 kpc, the total gas mass in the
Milky Way is ∼ 5× 107 M⊙, considering a disk thickness of 300 pc and an average
density of 1 cm−3. This means that each of the 5 giant gas clouds that made these
Open Cluster Complexes had a mass of ∼ 107 M⊙. This is the Jeans mass in the
galactic disk (∼ σ4/[G2Σgas] for dispersion σ and mass column density Σgas), as
discussed in Lecture 1. Open Cluster Complexes could be the remnants of star
formation in giant clouds formed by gravitational instabilities in the Milky Way
gas layer.

Elias, Alfaro & Cabrera-caño (2009) studied Gould’s Belt using the Catalogue
of Open Cluster Data (Kharchenko et al., 2005). They found an interesting cor-
relation that the cluster fraction is large for the Orion OB association region and
small for the Sco-Cen association. The cluster fraction is the ratio of the stellar
mass that forms in bound clusters to the total stellar mass that forms at the same
time. The rest of the stars form in unbound groups and associations. There is a
gradient in the young cluster (age < 10 Myr) fraction of star formation and in the
cluster density over the 700 pc distance separating these two associations. This
suggests that star formation prefers clusters when the pressure is high, as in Orion,
which is a more active region than Sco-Cen. High pressure could be a factor in
bound cluster formation if high-pressure cores are more difficult to disrupt and
their star formation efficiencies end up higher when star formation stops. High
pressure also corresponds to a broader density probability distribution function,
and so a higher mass fraction of gas exceeding the critical efficiency for bound
cluster formation (Sect. 7).

This lecture reviews interstellar and stellar hierarchical structure, which gives
patterns in the positions and ages of young stars and clusters. Related to this is
the formation of the bound clusters themselves, and the cluster mass function. A
more complete review of this topic is in Elmegreen (2010).

2 Galactic Scale

The hierarchy of star formation begins on the scale of Jeans-mass cloud complexes.
Giant molecular clouds (GMCs) form by molecular line shielding and condensa-
tion inside these giant clouds, and star complexes build up from the combined star
formation (Elmegreen & Elmegreen, 1983). Each GMC makes a single OB asso-
ciation at any one time. Hierarchical structure has been known to be important
in star-forming regions for a long time (e.g., Larson, 1981; Feitzinger & Galinski,
1987). Early reviews of large-scale hierarchical structure are in Scalo (1985, 1990).
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Interstellar hierarchies have also been thought to have a possible role in the stellar
initial mass function (e.g., Larson, 1973, 1982, 1991).

The nearby galaxy M33 has a clear pattern of giant HI clouds, with masses of
106 − 107 M⊙, containing most of the GMCs and CO emission (Engargiola et al.,
2003). Giant star complexes occur in these regions (Ivanov, 2005), often extending
beyond the HI clouds because of stellar drift. The high-definition image of M51
made by the ACS camera on the Hubble Space Telescope shows exquisite examples
of stellar clustering on a wide variety of scales, with similar patterns of clustering
for dust clouds, which are the GMCs (Fig. 1). Clearly present are giant clouds
(1 kpc large with M ∼ 107 M⊙) that are condensations in spiral arm dust lanes,
star formation inside these clouds with no noticeable time delay after the spiral
shock, and scattered star formation downstream. The downstream activity has the
form of lingering star formation in cloud pieces that come from the disassembly
of spiral arm clouds, in addition to triggered star formation in shells and comet-
shaped clouds that are also made from the debris of spiral arm clouds (see Lectures
2 and 4).

Star clusters in M51 observed with HST have been studied by Scheepmaker et al.
(2009). The overall distribution of clusters in the M51 disk shows no obvious cor-
relations or structures, aside from spiral arms. But autocorrelation functions for
three separate age bins show that the youngest sample is well correlated: it is
hierarchical with a fractal dimension of ∼ 1.6. This means that there are clusters
inside cluster pairs and triplets, that are inside clusters complexes and so on, up
to ∼ 1 kpc. Clusters in the Antennae galaxy are also auto-correlated out to ∼ 1
kpc scales (Zhang, Fall, & Whitmore, 2001).

Fig. 1. The Southern part of the inner spiral arm of M51, showing star formation on

a variety of scales, with OB associations inside star complexes and gas structures all

around. The dust lane is broken up into giant cloud complexes that contain 107 M⊙.
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Sánchez & Alfaro (2008) surveyed the positions of HII regions in several galax-
ies. They found that the fractal dimension, Dc, of the distribution of HII regions
decreases with increasing HII region brightness. For NGC 6946, Dc = 1.64 for
high-brightness HII regions, Dc = 1.82 for medium-brightness, and Dc = 1.79
for low-brightness. They also found that among galaxies with more than 200 HII
regions, the fractal dimension decreases slightly with decreasing galaxy brightness.

The fractal dimension is the ratio of the log of the number N of substructures
in a region to the log of the relative size S of these substructures. If we imagine
a square divided into 3 × 3 subsquares, which are each divided into 3 × 3 more
subsquares, and so on, then the size ratio is S = 3 for each level. If 6 of these
subsquares actually contain an object like an HII region (so the angular filling
factor is 6/9), then N = 6 and the fractal dimension is log 6/ log 3 = 1.63. If all 9
regions contain substructure, then the fractal dimension would be log 9/ log 3 = 2,
which is the physical dimension of the region, viewed in a 2-dimensional projection
on the sky. Thus a low fractal dimension means a small filling factor for each
substructure in a hierarchy of substructures. If the brightest HII regions have
the smallest fractal dimension in a galaxy, then this means that the brightest HII
regions are more clustered together into a smaller fraction of the projected area.
This greater clustering is also evident from maps of the HII region positions as a
function of brightness (Sánchez & Alfaro, 2008). The brightest HII regions tend to
be clustered tightly around the spiral arms. Similarly, fainter galaxies have more
tightly clustered HII regions than brighter galaxies.

The size distributions of star-forming regions can also be found by box-counting.
Elmegreen et al. (2006) blurred an HST/ACS image of the galaxy NGC 628 in
successive stages and counted all of the optical sources at each stage with the soft-
ware package SExtractor. The cumulative size distribution of structures, which
are mostly star-forming regions, was a power law with power 2.5 for all available
passbands, B, V, and I, i.e., n(> R)dR ∝ R−2.5dR for size R. The Hα band had
a slightly shallower power. They compared this distribution with the distribution
of structures in a projected 3D model galaxy made as a fractal Brownian motion
density field. They got good agreement when the power spectrum for the model
equalled the 3D power spectrum of Kolmogorov turbulence, which has a slope of
3.66. Other power spectra gave either too little clumpiness of the structures (lower
n[> R] slope) or too much clumpiness (higher slope).

Azimuthal intensity profiles of optical light from galaxies have power-law power
spectra like turbulence too. Elmegreen et al. (2003) showed that young stars and
dust clouds in NGC 5055 and M81 have the same scale-free distribution as HI
gas in the LMC (Elmegreen et al., 2001), both of which have a Kolmogorov power
spectrum of structure. For azimuthal scans, the power spectrum slope was ∼

−5/3 in all of these cases. Block et al. (2009) made power spectra of Spitzer
images of galaxies. They included M33, which is patchy at 8µm where PAH
emission dominates, and relatively smooth at 3.6µm and 4.5µm where the old
stellar structure dominates. The power spectra showed this difference too: the
slopes were the same as those of pure noise power spectra for the stellar images,
and about the same as Kolmogorov turbulence for the PAH images. The grand-
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design galaxy M81 had the same pattern. Block et al. also reconstructed images of
the galaxies over the range of Fourier components that gave the power-law power
spectrum. These images highlight the resolved hierarchical parts of the galaxies.
These parts are primarily star complexes and young stellar streams.

The central regions of some galaxies show highly structured dust clouds in
HST images. The central disk in the ACS image of M51 shows this, for exam-
ple. In the central regions of these galaxies, there are large shear rates, strong
tidal-forces, sub-threshold column densities, strong radiation fields, and lots of
holes and filaments in the dust. The origin of the holes is not known, although
it is probably a combination of radiation pressure, stellar winds, and turbulence.
Irregular dust in the center of NGC 4736 was studied by Elmegreen et al. (2002)
using two techniques. One used unsharp mask images, which are differences be-
tween two smoothed images made with different Gaussian smoothing functions.
Unsharp masked images show structure within the range of scales given by the
smoothing functions. They also made power spectra of azimuthal scans. The
power spectra were found to be power laws with a slope of around −5/3, the same
as the slope for HI in the LMC and optical emission in NGC 5055 and M81. A
possible explanation for the power-law dust structure in galactic nuclei is that this
is a network of turbulent acoustic waves that have steepened into shocks as they
move toward the center (Montengero et al., 1999).

Block et al. (2010) made power spectra of the Spitzer images of the Large
Magellanic Cloud at 160µ, 70µ, and 24µ (see Figure 2). Again the power spectra
are power laws, but now the power laws have breaks in the middle, as found
previously in HI images of the LMC (Elmegreen et al., 2001). These breaks appear
to occur at a wavenumber that is comparable to the inverse of the disk line-of-
sight thickness. On scales smaller than the break, the turbulence is 3D and has
the steep power spectrum expected for 3D, and on larger scales the turbulence
is 2D and has the expected shallower spectrum. The LMC is close enough that
each part of the power spectrum spans nearly two orders of magnitude in scale.
The slopes get shallower as the wavelength of the observation decreases, so there
is more small-scale structure in the hotter dust emission.

Power-law power spectra in HI emission from several other galaxies were stud-
ied by Dutta and collaborators. Dutta et al. (2008) obtained a power spectrum
slope of −1.7 covering a factor of 10 in scale for NGC 628. Dutta et al. (2009a)
found two slopes in NGC 1058 with a steepening from −1 to −2.5 at an extrap-
olated disk thickness of 490 pc (although their spatial resolution did not resolve
this length). Hα and HI power spectra of dwarf galaxies showed single power
laws (Willett et al., 2005; Begum et al., 2006; Dutta et al., 2009b), as did the HI
emission (Stanimirovic et al., 1999) and dust emission (Stanimirovic et al., 2000)
of the Small Magellanic Cloud. The SMC has an interesting contrast to the LMC,
both of which are close enough to make a power spectrum over a wide range of
spatial scales. The LMC has a two component power spectrum, but the SMC has
only a single power-law slope. The difference could be because the line-of-sight
depth is about as long as the transverse size for the SMC, while the line-of-sight
depth is much smaller than the transverse size for the LMC.
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3 Time-Space Correlations

In addition to being correlated in space, clusters are also correlated in time.
Efremov & Elmegreen (1998) found that the age difference between clusters in
the LMC increases with the spatial separation as a power-law, age ∝ separation1/2.
Elmegreen & Efremov (1996) found the same age-separation correlation for Cepheid
variables in the LMC. de la Fuente Marcos & de la Fuente Marcos (2009a) showed
that this correlation also applies to clusters in the solar neighborhood. In both
cases, the correlation is strongest for young clusters with a separation less than
∼ 1 kpc, and it goes away for older clusters. Presumably the young clusters follow
the correlated structure that the gas had when the clusters formed. Clusters form
faster in regions with higher densities out to a kpc or so, which is probably the
ISM Jeans length. This means that small star-forming regions (e.g., cluster cores)
come and go during the life of a larger star-forming region (an OB association),
and then the larger regions come and go during the life of an even larger region
(a star complex). Eventually, the clusters, associations and complexes disperse
when they age, taking more random positions after ∼ 100 Myr. The correlation is
about the same as the size-linewidth relation for molecular clouds (Larson, 1981),

Fig. 2. (Left) An image of the LMC at 24µm from the Spitzer Space Telescope. (Right)

The 2D power spectrum of this image, showing two power-law regions. The region with

high slope at large spatial frequency k is presumably 3D turbulence inside the thickness

of the disk, and the region with low slope at small k is presumably from 2D turbulence

and other motions on larger scales. The break in the slope defines the scale of the disk

thickness (from Block et al., 2010).
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considering that the ratio of the size to the linewidth is a timescale.

Correlated star formation implies that some clusters should form in pairs. Clus-
ter pairs were discovered in the LMC by Bhatia & Hatzidimitriou (1988) and in
the SMC by Hatzidimitriou & Bhatia (1990). An example is the pair NGC 3293
and NGC 3324 near eta Carinae. de la Fuente Marcos & de la Fuente Marcos
(2009b) studied these and other pairs. For NGC 3292/3324, the clusters are appar-
ently weakly interacting and the age difference is 4.7 My. NGC 659 and NGC 663
are also weakly interacting and the age difference is 19.1 My. Dieball et al. (2002)
determined the distribution function of the number of cluster members per cluster
group in the LMC. They found a statistical excess of clusters in pairs compared
to the expectation from random groupings.

4 Correlated Star Positions

Individual young stars are correlated in position too. Gomez et al. (1993) studied
the 2-point correlation function for stars in the local star-forming region Taurus.
For 121 young stars, there was a power law distribution of the number of stars
as a function of their separation, which means that the stars are hierarchically
correlated. (A similar correlation might arise from an isothermal distribution
of stars without any hierarchical structure, as in a relaxed star cluster, but the
Taurus region is not like this.) The correlation in Taurus extended from 0.15′′ of
arc separation to at least 2◦ separation – nearly 3 orders of magnitude. Larson
(1995) extended this survey to smaller scales and found a break in the correlation at
0.04 pc. He suggested that smaller scales formed binary stars by fragmentation in
clumps, and larger scales formed hierarchical groups by gas-related fragmentation
processes, including turbulence.

Low mass x-ray stars in Gould’s Belt (i.e., T Tauri stars) show a hierarchical
structure in all-sky maps (Guillout et al., 1998). This means that large groupings
of T Tauri stars contain smaller sub-groupings and these contain even smaller
sub-sub groupings. This is a much bigger scale than the Taurus region studied
by Gomez et al. (1993). There has been no formal correlation of the large-scale
structure in x-ray stars yet. The all-sky coverage suggests that the Sun is inside a
hierarchically clumped complex of young stars.

5 The Cartwright & Whitworth Q parameter

To study hierarchical structure in a different way, Cartwright & Whitworth (2004)
introduced a parameter, Q. This is the ratio of the average separation in a min-
imum spanning tree to the average 2-point separation. For example, suppose
there are 5 stars clustered together in one region with a typical separation of 1
unit, and another 5 stars clustered together in another region with a typical sep-
aration of 1 unit, and these two regions are separated by 10 units. Then the
minimum spanning tree has 4 separations of 1 unit in each region and 1 separation
of 10 units (for the two closest stars among those two regions), for an average of
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(8 × 1 + 1 × 10)/(8 + 1) = 2 units length. The average separation for all possible
pairs is counted as follows: there are 5 stars with separation from another star
equal to about 1 in each region, so that means 5 stars taken 2 at a time in each
region, or 10 pairs with a separation of 1 in each region, or 20 pairs with this
separation total, plus each star in one group has a separation of 10 units from
each star in the other group, which is 5 × 5 separations of 10 units. The aver-
age is (20 × 1 + 25 × 10)/(20 + 25) = 6. The ratio of these is Q = 2/6 = 0.33.
Smaller Q means more subclumping because for multiple subgroups, the mean
2-point separation has a lot of distances equal to the overall size of the region,
so the denominator of Q is large, but the minimum spanning tree has only a few
distances comparable to the overall size of the system, one for each subgroup, and
then the numerator in Q is small.

Bastian et al. (2009) looked at the correlated properties of stars in the LMC,
using a compilation from Zaritsky et al. (2004). There were about 2000 sources
in each of several age ranges on the color-magnitude diagram. Bastian et al.
determined the zero-points and slopes of the two point correlation function for
each different age. They found that younger regions have higher correlation
slopes and greater correlation amplitudes, which means more hierarchical sub-
structure. Most of this substructure is erased by 175 Myr. They also evaluated the
Cartwright & Whitworth (2004) Q parameter and found a systematic decrease in
Q with decreasing age, meaning more substructure for younger stars. Gieles et al.
(2008) did the same kind of correlation and Q analysis for stars in the Small
Magellanic Cloud, and found the same general result.

6 Hierarchies inside Clusters

In a hierarchically structured region, the average density increases as you go down
the levels of the hierarchy to smaller and smaller scales. If there are dense star-
forming cores at the bottom of the hierarchy, where the densities are largest and
the sizes are smallest, then the fractional mass in the form of these cores increases
as their level is approached. This is because more and more interclump gas is
removed from the scale of interest as the densest substructures are approached.
The fractional mass of cores is proportional to the instantaneous efficiency of star
formation if the cores form stars. Therefore the local efficiency of star formation
in a hierarchical cloud increases as the average density increases. The efficiency
on the scale of a galaxy where the average density is low is ∼ 1%; on the scale of
an OB association it is ∼ 5%, and in a cloud core where a bound cluster forms,
it is ∼ 40%. Bound cluster formation requires a high efficiency so there is a
significant gravitating mass of stars remaining after the gas leaves. It follows that
in hierarchical clouds, the probability of forming a bound cluster is automatically
highest where the density is highest. Star clusters are the inner bound regions of
a hierarchy of stellar and gaseous structures (Elmegreen 2008).

Outside the inner region, stars that form are not as likely to be bound to
each other after the gas leaves. Then there are loose stellar groups, unbound OB
subgroups, OB associations, and so on up to star complexes. Flocculent spiral arms
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and giant spiral-arm clouds are the largest scale on which gravitational instabilities
drive the hierarchy of cloud and star-formation structures.

The hierarchy of young stellar structure continues inside bound clusters as
well. Smith et al. (2005) found several levels of stellar subclustering inside the
rho-Ophiuchus cloud, and Dahm & Simon (2005) found 4 subclusters with slightly
different ages (±1 Myr) in NGC 2264. Feigelson et al. (2009) observed X-rays
from young stars in NGC 6334. The x-ray maps are nearly complete to stars
more massive than 1 M⊙ and their distribution is hierarchical, with clusters of
clusters inside this region. Gutermuth et al. (2005) studied azimuthal profiles of
clusters and found that they have intensity fluctuations that are much larger than
what would be expected from the randomness of stellar positions; the stars are
sub-clustered in a statistically significant way. Sánchez & Alfaro (2009) measured
the fractal dimension and hierarchical-Q parameter for 16 Milky Way clusters,
using the ratio of cluster age to size as a measure of youth. They found that stars
in younger and larger clusters are more clumped than stars in older and smaller
clusters. Greater clumping means they have lower Q and lower fractal dimension.
Schmeja et al. (2008) measured Q for several young clusters. For IC 348, NGC
1333, and Ophiuchus, Q is lower (more clumpy) for class 0/1 objects (young) than
for class 2/3 objects (old). Among four of the subclumps in Ophiuchus, Q is lower
and the region is more gassy where class 0/1 dominates; Q is also lower for class
0/1 alone than it is for class 2/3 in Ophiuchus.

Pretellar cores are spatially correlated too. Johnstone et al. (2000) derived
a power-law 2-point correlation function from 103.8 AU to 104.6 AU for 850µm
sources in Ophiuchus, which means they are spatially correlated in a hierarchical
fashion. Johnstone et al. (2001) found a similar power-law from 103.6 AU to 105.1

AU for 850µm sources in Orion. Enoch et al. (2006) showed that 1.1 µm pre-stellar
clumps in Perseus have a power-law 2-point correlation function from 104.2 AU
to 105.4 AU. Young et al. (2006) found similar correlated structure for pre-stellar
cores from 103.6 AU to 105 AU in Ophiuchus. These structures could go to larger
scales, but the surveys end there.

In summary, clusters form in the cores of the hierarchy of interstellar struc-
tures and they are themselves the cores of the stellar hierarchy that follows this
gas. Presumably, this hierarchy comes from self-gravity and turbulence. Gas
structure continues to sub-stellar scales. The densest regions, which are where in-
dividual stars form, are always clustered into the next-densest regions. Stars form
in the densest regions, some independently and some with competition for gas,
and then they move around, possibly interact a little, and ultimately mix together
inside the next-lower density region. That mixture is the cluster. More and more
sub-clusters mix over time until the cloud disrupts. Simulations of such hierar-
chical merging have been done by many groups, such as Bonnell & Bate (2006)
and Maschberger et al. (2010). Because of hierarchical structure, the efficiency is
automatically high on small scales where the gas is dense.
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7 Clustered versus Non-clustered Star Formation

Barba et al. (2009) examined the giant star-forming region NGC 604 in M33 with
NICMOS, finding mostly unclustered stars. Máız-Apellániz (2001) categorized
star formation regions according to three types: compact clusters with weak halos,
measuring 50 × 50 pc2, compact clusters with strong halos measuring 100 × 100
pc2, and hierarchical, but no clusters, called “Scaled OB Associations” (SOBAs),
measuring 100× 100 pc2. Why do stars form in clusters some of the time but not
always?

The occurrence of bound clusters in star forming regions could depend on many
factors, but the pressure of the region relative to the average pressure should be
important. Higher pressure regions should produce proportionally more clusters.
Recall, that Elias, Alfaro & Cabrera-caño (2009) found a higher clustering fraction
for the high-pressure Orion region compared to the low-pressure Sco-Cen region.
One reason for a possible pressure dependence was discussed in Elmegreen (2008)
and is reviewed here.

Turbulence produces a log-normal density probability distribution function
(Vazquez-Semadeni, 1994; Price et al., 2010), and this corresponds to a log-normal
cumulative mass fraction fM(> ρ), which is the fraction of the gas mass with a
density larger than the value ρ. This is a monotonically decreasing function of ρ. If
the densest clumps have a density ρc, and the star formation rate per unit volume
is the dynamical rate for all densities with an efficiency (star-to-gas mass fraction)

that depends on density, i.e., SFR = ǫ(ρ)ρ (Gρ)1/2, then the mass fraction of the
densest clumps inside a region of average density ρ is

ǫ(ρ) = ǫc (ρc/ρ)
1/2 [fM(> ρc)/fM(> ρ)] . (7.1)

This function ǫ(ρ) increases with ρ for intermediate to high density. If stars form
in the densest clumps with local efficiency ǫc (∼ 0.3), then ǫ(ρ) is the efficiency
of star formation, i.e., the mass fraction going into stars for each average density.
Bound clusters form where the efficiency is highest, and this is where the average
density is highest. If we consider the density where ǫ(ρ) exceeds a certain minimum
value for a bound cluster, then most star formation at this density or larger ends
up in bound clusters.

Note that the observation of cluster boundedness appears to be independent of
cluster mass and therefore independent of the presence of OB stars in the cluster.
Bound clusters with highly disruptive OB stars form in dense cloud cores, just like
clusters without these stars. The efficiency of star formation is therefore not related
in any obvious way to the presence or lack of disruptive stars. The implication is
that essentially all of the stars in a cluster form before OB-star disruption occurs.
Perhaps the highly embedded nature of OB star formation, in ultracompact HII
regions, for example, shields the rest of the cloud core from disruption for a long
enough time to allow the lower mass cores to collapse into stars.

The pressure dependence for cluster boundedness arises in the theory of Elme-
green (2008) because at a fixed density for star formation, the slope of the fM(> ρ)
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curve decreases for higher average density (the log-normal shifts to higher density),
and the slope also decreases for higher Mach number because the log-normal gets
broader. With a shallower slope at the density of star formation, the density where
ǫ(ρ) exceeds the limit for bound cluster formation decreases, and the fraction of
the mass exceeding this density increases. Thus forming a bound cluster happens
at a lower density relative to the threshold for star formation when the pressure is
high. A higher fraction of the gas then goes into bound clusters. The qualitative
nature of this conclusion is independent of the details of the density pdf.

This discussion of cluster formation in a hierarchical medium assumes that the
gas structure is already in place when star formation begins, and then the densest
clumps, which are initially clustered together, form stars. The discussion can
be made more dynamical if we consider that the denser regions fragment faster.
This is what happens during a collapse simulation: the dense regions make more
subcondensations and the low density regions collapse on to the dense regions.
The result is a clustering of dense sub-condensations and a hierarchical clustering
of stars.

8 Cluster Mass Functions

The cluster mass function is a power law and it is natural to look for explanations
of this that are related to the other power laws in star formation, including the
hierarchical structure. If we imagine a cloud divided hierarchically into clumps
and sub-clumps, then the mass distribution function of the nodes in this hierarchy
is dN/d logM ∼ 1/M , or dn/dM ∼ 1/M2, because there is an equal total mass
in all levels (MN [M ]d logM = constant). This is the same as the mass function
for star clusters. Also in such a hierarchy, the probability that a mass between M
and 2M is selected is proportional to 1/M , as given by the number of levels and
clouds at those levels having a mass in that range.

Cluster mass functions typically are a power law with a slope equal to this
value, dn/dM ∼ M−β for β ∼ 2. This slope was found by Battinelli et al. (1994)
for the solar neighborhood and Elmegreen & Efremov (1997) for the LMC, where
the clusters were subdivided according to age. A second study of LMC clusters
(Hunter et al., 2003) found the same slope for discrete cluster age intervals. It is
important to consider clusters within a narrow age interval because older clusters
are dimmer and the selection effects for clusters depend on their age. Zhang & Fall
(1999) found β = 1.95 ± 0.03 for young clusters in the Antenna galaxy, and β =
2.00±0.08 for old clusters. de Grijs & Anders (2006) looked at the LMC again and
found β = 1.85±0.05 for various age intervals. de Grijs et al. (2003) found similar
results in two other galaxies: β = 2.04± 0.23 for NGC 3310 and β = 1.96± 0.15
for NGC 6745.

The HII region luminosity function is about the same as the cluster mass
function, having a slope of around −2 for linear intervals of luminosity. The first
large study was by Kennicutt et al. (1989). Many other surveys have obtained
about the same result (e.g., Banfi et al., 1993). Bradley et al. (2006) included 53
spiral galaxies and got a steeper slope at logL > 38.6 (for L in erg s−1), suggesting
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that larger HII regions were density bounded, and they also got a steep fall-off at
logL > 40, suggesting an upper limit for cluster mass. The same general power
law for HII regions has been obtained in detailed studies of individual galaxies
(e.g., NGC 3389: Abdel-Hamid et al. (2003); M81: Lin et al. 2003; NGC 1569:
Buckalew & Kobulnicky 2006; NGC 6384: Hakobyan et al. 2007; the Milky Way:
Paladini et al. 2009).

There is growing evidence for an upper mass cutoff in the cluster mass func-
tion. In Gieles et al. (2006a,b), mass functions in M51 were fit to a double power
law, i.e., with an increased slope at higher mass, or to a power law with β = 2
throughout and an upper mass cutoff of around 105 M⊙. A power law with an
exponential cutoff is a Schechter function, dN/dM = M−β exp(−M/Mc) for cutoff
mass Mc.

For several local galaxies, Larsen (2009) fit the brightest cluster and the 5th
brightest cluster with a mass function having a cutoff. Larsen found that rich and
poor spirals have about the same cluster mass functions, both with a cutoff, and
that the cutoffs are independent of position in a galaxy. The origin of an upper
mass limit for clustering is not known.

9 Summary

Gas is hierarchical in space and time, presumably because the gas is compressed
by turbulent motions in a scale-free fashion. The self-gravitational force is scale
free also at masses far above the thermal Jeans mass (∼ 1 M⊙). For a typical
relationship between velocity dispersion and size that scales as σ ∝ R1/2, clouds of
all masses at constant pressure have the same degree of gravitational self-binding.

Hierarchical cloud structure means that stars form in hierarchical patterns,
and it follows then that the efficiency of star formation (Mstars/Mtotal) increases
with the average density. Bound star clusters, which require a high efficiency,
therefore form at high density. This explains at a very fundamental level why
bound clusters form in the first place. Variations in the fraction of star formation
that goes into bound clusters may be explained in the same way, with pressure
playing an important role.

Hierarchical structure ensures that the clusters start with a mass function that
is a power law with a slope close to −2. There could be an upper mass cut off.
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TRIGGERED STAR FORMATION

Bruce G. Elmegreen1

Abstract. Triggered star formation in bright rims and shells is re-
viewed. Shells are commonly observed in the Milky Way and other
galaxies, but most diffuse shells seen in HI or the infrared do not have
obvious triggered star formation. Dense molecular shells and pillars
around HII regions often do have such triggering, although sometimes
it is difficult to see what is triggered and what stars formed in the
gas before the pressure disturbances. Pillar regions without clear age
gradients could have their stars scattered by the gravity of the heads.
Criteria and timescales for triggering are reviewed. The insensitivity of
the average star formation rate in a galaxy to anything but the molec-
ular mass suggests that triggering is one of many processes that lead
to gravitational collapse and star formation.

1 Introduction: Large-Scale Shells

High resolution images of nearby spiral galaxies show large dust and gas bubbles in
the spiral arms (Fig. 1; see also Fig. 3 in Lecture 2). Their radii are often larger
than the gas scale heights, so these are unlikely to be spheres; they are more
like rings in the disk. There are also feathers, comets, and other fine-scale dust
structures in optical images – all indicating recent dynamical processes. Sometimes
there are small bubbles inside large bubbles, and there are generally more bubbles
near the spiral arms than in the interarm regions. The interarm also contains dust
streamers, and many of these look like old bubbles left over from more active times
in the arms.

Gould’s Belt contains the Local Bubble, studied recently by Lallement et al.
(2003) using Na I absorption clouds near the Sun. This local bubble is also a source
of diffuse x-ray emission from hot gas (Snowden et al., 1998). Presumably the en-
ergy came from hot stars in the Sco-Cen association (Breitschwerdt & de Avellez,
2006).
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Large bubbles in the Milky Way are also evident from IR maps of the sky.
Könyves et al. (2007) used IRAS 60µm and 100µm images to identify Milky Way
bubbles. They reported that the bubble volume filling factor in the inner galaxy
is around 30%, and in the outer galaxy it is around 5%. Ehlerová & Palouš (2005)
catalogued HI shells in the Milky Way using the Leiden-Dwingeloo Survey. They
found a volume filling factor of 5%, a mean age of 8.4 Myr, and a ratio of age
to filling factor equal to 170 Myr. This latter timescale is the time for the whole
interstellar volume (not mass) to be cycled through one or another HI shell. This
is 10 times faster than the time for molecular gas to be converted into stars. Since
the shells observed by Ehlerová & Palouš are atomic, this ISM processing would
seem to be independent of the molecular cloud population. The GMCs have a
low volume filling factor and the HI shells occupy the space between them. A
significant fraction of the HI shell mass can come from GMC disruption in the
inner galaxy where the molecular fraction is high.

The LMC is also filled with large shells (Goudis & Meaburn, 1978). The
largest, LMC4, has no obvious cluster or OB association in the center, although

Fig. 1. Region of the galaxy M51 viewed with the ACS camera of HST, showing bubbles.



Bruce G. Elmegreen: Triggered Star Formation 3

there are A-type stars suggesting a ∼ 30 Myr old age (Efremov & Elmegreen,
1998). It has pillars at the edge with young star formation, and an arc of young
stars without gas in the center, called Constellation III (McKibben Nail & Shapley,
1953). Yamaguchi et al. (2001) studied the star formation in this region, pointing
out GMCs and young clusters all along the edge of the shell and suggesting these
were triggered.

IC 10 is another small galaxy filled with HI holes and shells. Wilcots & Miller
(1998) found Hα at the edges of the shells and discussed these young regions as
triggered star formation. Similarly, the small galaxy IC 2574 has a giant shell with
an old central cluster and triggered young stars on edge (Walter & Brinks, 1999;
Connon et al., 2005).

2 Shell Expansion

Expanding shells are most commonly made by stellar pressures in the form of
HII regions, supernovae, and winds. If we write the expansion speed as dR/dt ∼
(P/ρ)1/2 for an isothermal shock, then the radius varies as a power law in time if
the pressure P is a function of radius R and the density ρ is uniform. For an HII
region, P = 2.1nkT where n = (3S/4πR3α)1/2 for ionizing luminosity S in photons
per second and recombination rate α to all but the ground state. Then P ∝ R−3/2.
For supernovae, P ∼ 3E/4πR3 for the energy conserving, non-radiative, phase.
For a wind, P ∼ 3E(t)/4πR3, where the energy increases with time as E = Lt.

These three pressure-radius relations give three different radius-time expansion
laws, dR/dt ∝ R−3/4 gives R ∝ t4/7 for a Strömgren sphere, dR/dt ∝ R−3/2 gives
R ∼ t2/5 for the Sedov phase of a supernova, and dR/dt ∝ t1/2R−3/2 givesR ∝ t3/5

for a steady wind or continuous energy supply from multiple supernovae in an OB
association (Castor et al., 1975).

There are many complications to these solutions. External pressure is always
present, slowing down the bubbles. External pressure Pext enters the expression
as dR/dt = ([P − Pext]/ρ)

1/2 with Pext ∼constant. The solution is not a power
law in this case. A second complication is the momentum in the moving shell.
When this is important, the equation of expansion is really d(4πR3vρ/3)/dt =
4πR2(P − Pext). Shell momentum makes the shell move faster at a given radius
than in the case without momentum. There are also diverse shock jump conditions
depending on the importance of magnetic fields and the equation of state for the
shocked gas, such as adiabatic or isothermal, or whether the full energy equation
is used to determine the post-shock temperature.

We can see how important external pressure is to these solutions by finding the
fraction of shells that are at a pressure significantly above the external value. As
noted above, each source has solutions R(t) and P (R), which can be re-written into
a solution for pressure versus time, P (t). Thus there is a relation for the volume as
a function of pressure, V (P ). For a constant rate n0 of making bubbles, n(P )dP =
n0dt. Therefore n(P ) ∝ dt/dP . The volume filling factor is f(P ) = n(P )V (P ).
Now we see that for HII regions, f(P ) ∝ P−4.17; for winds, f(P ) ∝ P−4.5, and for
supernovae, f(P ) ∝ P−5.2. For all of these, approximately, f(P )dP ∝ AP−4.5dP
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for some constant A. If all of the volume is filled, then 1 =
∫

f(P )dP , and the
average pressure is related to the minimum pressure as Pave = 1.4Pmin, which
means f(P ) = 1.15(P/Pave)

−4.5/Pave. Thus, the probability that any of these
regions has a pressure exceeding 10 times the average, f(P > 10Pave), is 0.31 ×
0.13.5 ∼ 10−4; similarly, f(P > 2Pave) ∼ 0.03. Evidently, most pressure bursts
from HII regions, winds and supernovae are within twice the average ISM pressure
for most of their lives. Therefore the external pressure is important for them.
Kim, Balsara & Mac Low (2001) ran numerical simulations of the ISM and found
that most of the time, the pressure stayed within a factor of 2 of the average value.

The probability distribution function for pressure also suggests that the largest
pressure bursts are close-range and short-lived. Thus significant over-pressures
from stellar sources are most likely to occur close to those stars, as in an adja-
cent cloud. Most of the giant IR and HI shells discussed above are drifting by
momentum conservation.

3 Triggering: Bright Rimmed Clouds and Pillars

HII regions interact with their neighboring molecular clouds by pushing away the
lower density material faster than the higher density cloud cores. This leads to
bright rims and pillars. Most HII regions contain these shapes, as they are com-
monly observed in Hubble Space Telescope images of nebulae. Triggered star for-
mation in the dense heads of pillars has been predicted (e.g., Klein, Sandford & Whitaker,
1980) and observed for many years (e.g., Sugitani et al., 1989). Here we review
some recent observations.

Recent simulations of bright rim and pillar formation are in Mellema et al.
(2006), Miao et al. (2006), and Gritschneder et al. (2009). In a large HII region,

Fig. 2. A pillar in IC 1396 viewed at 8µm with the Spitzer Space Telescope. Class I

sources (the youngest) are identified by diamond shapes. There are three at the front

of the head, one near the back part of the head, two on the lower part of the pillar and

another in a shelf nearby (from Reach et al. (2009).
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there can be many bright rims with star formation in them. A good example is
30 Dor in the LMC, which has bright-rims that look like they have triggered star
formation in many places (Walborn, Máız-Apellániz & Barbá, 2002).

IC 1396 is an HII region with a shell-like shape. The radius is 12 pc, and the
expansion speed is 5 km s−1, making the expansion time 2.5 Myr (Patel et al.,
1995). The shell contains several bright rims and pillars around the edge that all
point to the sources of radiation. In optical light, few embedded stars can be seen,
but in the infrared there are often embedded stars.

The stellar content of the large pillar in IC 1396 has been studied by Reach et
al. (2009; see Figure 2). Several Class I protostars are located in the main head
and in a shelf off the main pillar. Class II stars are scattered all over the region
with no particular association to the cloud. The Class I stars recently formed in
the pillar, and considering that they are much younger than the HII region, they
could have been triggered.

Getman et al. (2007) observed IC 1396N, another bright rim in the same region,
in x-ray and found an age sequence that suggests triggering from south to north,
into the rim. There are class III and class II stars around the rim and class I/0
stars inside. Beltrán et al. (2009) did a JHK survey of the same bright rim and
found few NIR-excess sources and no signs of clustering toward the southern part
of the rim. They also found no color or age gradient in the north-south direction.
They concluded there was no triggering but perhaps there was a gradient in the
erosion of gas around protostars. Choudhury et al. (2010) observed the region
with Spitzer IRAC and MIPs and suggested there was an age sequence with the
younger stars in the center of the bright rim and the older stars near the edge.
They derived a propagation speed into the rim of 0.1− 0.3 km s−1.

The pillars of the Eagle Nebula, M16, are among the most famous cloud struc-
tures suggestive of triggering. Several young stars appear at the tips. It is difficult
to tell if these stars were triggered by the pressures that made the pillars, or if
they existed in the head regions before the HII pressure swept back the periphery.
Triggering requires that the pillar stars are much younger than the other stars in
the region. Some exposure of existing stars could be possible if there is a wide
range of ages among the pillar and surrounding stars.

Sugitani et al. (2002) found Type I sources near the pillar heads in M16 and
older sources all around the pillars. They suggested there was an age sequence
within the pillar. Fukuda et al. (2002) observed M16 in 13CO, C18O, and 2.7 mm
emission, finding a high density molecular core at the end of the pillar, as expected
from HII region compression. However, Indebetouw et al. (2007) suggested that
the young objects in the area are randomly distributed and not triggered. They
showed the distribution of protostars in various stages of accretion and saw no
clear patterns with age. Thus the issue of triggering in the M16 pillars seems
unresolved.

Guarcello et al. (2010) found a different age sequence in M16: the stars in the
northwest part of the whole HII region are younger than the stars in the southeast
part. They suggested that a 200 pc shell triggered both M16 and M17 3 Myr ago
on much larger scales.
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IC 5146 is a filamentary cloud with low-level star formation at one end (Lada, Alves & Lada,
1999). It is not in an HII region and the source of the structure and pressure to
shape it is not evident. It looks like it was formerly a diffuse cloud that was com-
pressed at one end by a supernova. The ends of a filamentary cloud are the most
susceptible parts to this kind of random disturbance.

Hosokawa & Inutsuka (2007) studied molecule formation in compressed shells
around HII regions and suggested that H2 could form without bright CO emission
during the expansion of the shell into a cold neutral medium. They found an ex-
ample of this in the shell around the W3-4-5 region. There is cold HI and perhaps
unobserved H2, without any evident CO. They proposed that this is an interme-
diate stage in the collapse of a swept up shell and the site for future triggered star
formation.

The Ophiuchus cloud core was swept back by pressures from the Sco-Cen as-
sociation (de Geus, 1992). Star formation in the rho Oph region could have been
triggered at the same time. A large-scale dust map of the whole region is in Lom-
bardi et al. (2008; see Figure 3). There are many protostars and dense cores (e.g.,
Kirk, Ward-Thompson & André, 2005) in what looks like a giant pillar. Sco-Cen
is off the field to the upper right.

The Carina nebula has many bright rimmed clouds and pillars that were re-
cently studied by Smith (2010). They note that the young stars lag the bright rims,
as if they were left behind in an advancing ionization front of cloud destruction.

Fig. 3. Large-scale dust map of the Ophiuchus region, from Lombardi, Lada & Alves

(2008).
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4 Age Sequences in Bright Rims

Several of the references above look for or find age sequences of stars along the
axis of a bright rim. Sugitani, Tamura & Ogura (1995) pioneered this. At first,
such a sequence seems obvious because the HII region is expanding, so position
correlates with time. However, the bright-rim heads are usually more massive than
the stars and the stars should be gravitationally attracted to the heads. If the head
acceleration by gas pressure is less than their internal acceleration by gravity, then
the embedded stars will get pulled along with the heads as the heads move. There
would be little exposure of the stars in that case. To accelerate the head faster than
the internal gravitational acceleration means that the pressure difference between
the front and the back side has to exceed the internal gravitational acceleration
multiplied by the head column density. Both of these quantities are essentially
the internal self-gravitational binding energy of the head if the head is virialized,
and therefore also the internal turbulent energy density. In that case, the head
has to be accelerated faster than the square of its turbulent velocity dispersion
divided by its radius. Such a larger acceleration could occur when the initially
low-density gas is first compressed into a comet head by the HII region. Once the
entire head is compressed and star formation occurs in the dense gas, the inside
of the head will be close to pressure equilibrium with the outside ionization front,
and the relative acceleration will decrease.

A description of such pressure equilibrium and the resulting acceleration is
given by Bertoldi & McKee (1990). In their equation 5.10, they write the ratio of
the self-gravitational acceleration inside the head to the acceleration of the whole
head by the rocket effect as

ggrav
grocket

∼ 2

(

Mcl

MJeans

)2/3

(4.1)

for a non-magnetic head, and

ggrav
grocket

∼

(

Mcl

MΦ

)2

(4.2)

for a magnetic head. Here,Mcl is the cloud head mass,MJeans = 1.18σ4
cl/(G

3Pcl)
1/2

and MΦ = 0.12Φ/G3/2 are the critical (or maximum) cloud masses for stability
without and with a magnetic field, respectively; Φ is the total magnetic flux in the
cloud. The pressure at the ionized surface of the cloud enters the expression for
MJeans and is

Pcl

k
= 2.45× 107[S49/(Rcl,pcR

2
pc)]

1/2 cm−3K if (ψ > 10) (4.3)

= 1.65× 109(S49/R
2
pc) cm

−3K if (0.3 < ψ < 10) (4.4)

for dimensionless parameter ψ,

ψ = αFIIRcl/σ
2
II = 5.15× 104

S49Rcl,pc

R2
pc

. (4.5)
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In these expressions, the recombination rate to all but the ground state is α, the
incident ionizing flux is FII in photons cm−2 s−1, the ionizing luminosity is S49 in
photons s−1, the cloud radius is Rcl,pc in pc, the distance to the ionizing source is
Rpc, in pc, the velocity dispersion in the cloud is σcl, and the velocity dispersion
in the HII region is σII.

These equations suggest that if the cloud head requires gross instability for a
star to form, i.e., Mcl > MJeans or Mcl > MΦ (or, Mcl > MJeans +MΦ in McKee
(1989), then the internal gravitational acceleration in the head is always greater
than the rocket acceleration. Thus the stars that form in the head should follow
the head along as it accelerates away from the HII region. Why are the stars “left
behind” in this case?

Another consideration is that the side of the dense core facing the HII region
could be continuously peeled away by the ionization. The speed of this peeling is
determined by the incident flux. After pressure equilibrium, a D-type ionization
front enters the compressed neutral gas; “D” stands for density-bounded, i.e., the
ionizing radiation is stopped by gas absorption (Spitzer, 1978). The speed of such
a front into the dense gas is σ2

cl/[2σII]. Because σII >> σcl, this D-front speed is
always much less than σcl. The orbit speed of a newly formed star inside the head
is of order σcl, however, for a self-gravitating head. Thus the speed at which the
ionized side of the pillar gets peeled away is always much less then the embedded
stellar speed. Thus, stars should not be exposed by ionization either.

Evidently, for both the rocket effect and ablation by ionization, stars forming
in an unstable head should should continuously fall back into the head center
faster than the surface of the head moves away from the source of ionization. This
makes the exposure of young stars and their age gradients difficult to understand.
It could explain, however, why age gradients are seldom obvious – the triggered
stars scatter around the head by gravitational forces.

One solution to this problem is that the head is stable on a large scale with
σcl equal to some turbulent speed that is larger than the sound speed, or perhaps
with magnetic support, and yet inside of the head, there are local dense clumps
that are unstable in the sense that their masses are larger than the thermal Jeans
mass after the magnetic field has diffused out. In these cases, it might be possible
that Mcore > MJeans,thermal for localized star formation while at the same time
ggrav < grocket for exposure of the star after it forms.

Another model of triggered star formation is that there is a pre-existing pillar-
like shape with multiple clumps aligned to the HII region. Then the compression
front moves along the pillar from clump to clump, triggering gravitational instabil-
ities as it goes. The exposure of the stars would follow the erosion of each clump,
compressed one after another.

Of course it is possible that the stars near the head were not triggered. A
key observation for triggering will be the velocities of the young stars near the
head in comparison to the head velocity. If the stars are moving much slower than
the head, then they could have formed before the compression and rocket-like
acceleration.

Simulations by Dale et al. (2007b) of triggered star formation in numerous
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dense clumps of a pre-existing molecular cloud indicate the difficulty in distin-
guishing between stars that formed previously and were exposed by clump ioniza-
tion or motion, and stars that were triggered by the ionization pressure. In this
study, the additional amount of star formation that was from the triggering alone
was only ∼ 30%.

5 Shell Expansion: Collect and Collapse

Zavagno et al. (2006) studied star formation in the Milky Way source W 79 (Fig.
4). It has a 1.7 Myr old shell with gravitationally collapsed regions 0.1 Myr
old along the perimeter. This is an example of star formation triggering by the
gravitational collapse of swept-up gas around an older cluster or OB association.
Sh2-219 is a similar region (Deharveng et al., 2006). There is O9.5V star in a
centralized HII region, and a CO cloud, K-band embedded cluster, Ultra-compact
HII region, and Herbig Be star at the edge.

Deharveng et al. (2010) recently studied 102 bubbles and triggered star forma-
tion using the Spitzer-GLIMPSE and MIPSGAL surveys for the IR, the MAGPIS
and VGPS surveys for the radio continuum, and the ATLASGAL survey at 870 µm
for cold dust emission. They found that 86% of the bubbles contain HII regions,
and among those with adequate resolution, 40% have cold dust along their bor-

Fig. 4. Milky Way region W 79, consisting of a shell with dense clouds and star formation

at the edge, from Zavagno et al. (2006).
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ders, presumably accumulated during the bubbles’ expansions. Eighteen bubbles
have either ultracompact HII regions or methanol masers in the peripheral dust,
indicating triggering. They categorized their results into several types of trigger-
ing. Star formation that occurs in pre-existing cloud condensations is distinctive
because the clouds protrude into the bubble cavity like bright rims; 28% of the re-
solvable shells are like this. Star formation that occurs by the collapse of swept-up
gas does not protrude but is fully in the shell. That is because it is comoving with
the shell. In fact, clumps forming by gravitational collapse in a shell could even-
tually protrude out of the front of the shell because their higher column densities
makes them decelerate slower than the rest of the shell (Elmegreen, 1989). If this
is observed, then the relative position of a triggered clump and the shell around it
should indicate their relative speeds and the time when the clump first formed.

Beerer (2010) studied Cygnus X North with Spitzer IRAC, classifying stars ac-
cording to their IR spectral ages. They found that younger objects are in filaments
that look compressed. Triggering of those stars was suggested.

Desai (2010) examined all 45 known supernova remnants in the LMC and
looked for associations with young stellar objects and with GMCs that have no
YSOs. Seven SNR were associated with GMCs and YSOs, 3 SNRs were with
YSOs and no GMCs, and 8 SNRs were with GMCs and no YSOs. For the 10
SNRs with YSOs, only 2 have YSOs that are clearly associated with the SN shell,
but in these cases, the SNe are younger than YSOs, so the YSOs could not have
been triggered. Desai et al. concluded that SNe are too short-lived for triggering.

6 General Aspects of Triggering

Gas expands away from long-lived pressure sources like HII regions and OB asso-
ciation bubbles. If the expansion scale is smaller than the scale of a single cloud or
the distance to a nearby cloud, then pillars and bright rims form by the push-back
of interclump gas. In this case, star formation is a relatively fast process that
works by squeezing the pre-existing dense gas. The velocity of the triggered stars
is smaller than the overall shell expansion speed. The time delay between the
beginning of the pressure source and the formation of new stars is the time for the
pressure disturbance to reach the pre-existing cloud, i.e., the HII region expansion
time, plus the time for the pressure to implode the cloud, which is relatively fast.

If the expansion scale is larger than the scale of a single cloud, then shells form
by the push-back of most nearby gas. A cavity then forms with accumulated dense
gas at the edge. This process of triggering is relatively slow because new clumps
have to form by gravitational instabilities in the swept-up gas. The timescale
for collapse and the properties of shells when they collapse were investigated by
Elmegreen et al. (2002) using collapse criteria in Elmegreen (1994). They ran sev-
eral thousand models of expanding shells in rotating, shearing galaxies and found
various trends with environmental factors. The basic time scale for triggering was

t ∼ 4ξ1/10(2πGρ0)
−1/2, (6.1)
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where ξ = σ5/GL for source luminosity L and sound speed σ in the shell, and
for pre-shell density ρ0. They also found that the probability of collapse, or the
fraction of shells that collapse, f , depends on the Toomre Q parameter for all
possible variations in environment (see Lecture 1). The relation is f ∼ 0.5 −

0.4 log10Q.

Simulations of shell formation and collapse around HII regions were made by
Hosokawa & Inutsuka (2005, 2006a,b) and Dale et al. (2007a). Hosokawa & Inutsuka
(2006a) found that shells driven into molecular clouds at typical densities have time
to fragment and form new stars. They showed that at low ambient densities, the
fragmentation can occur before CO forms, but at high densities, the shell is pri-
marily CO. Hosokawa & Inutsuka (2006b) considered the minimum stellar mass
that drives an expansion in which triggered star formation produces a second gen-
eration mass comparable to or larger than the first star; this stellar mass is around
20M⊙ for a pre-shock density of 100 cm−3. Dale et al. (2007a) ran several simula-
tions of an expanding HII region into a molecular cloud and compared the resulting
radii and times for collapse with the analytical theory by Whitworth et al. (1994),
which represented the numerical results well.

For the collect and collapse process, the velocity of triggered stars in the swept-
up region can be large, ∼ (P/ρ0)

1/2 for driving pressure P and ambient density
ρ0. Evidence for triggering involves the causality condition: the triggering dis-
tance, age difference, and relative velocity of the triggered stars compared to the
pressure-driving stars has to satisfy the relationship that the distance equals the
velocity times the time. The triggered stars have to be much younger than the
pressure-driving stars, and there has to be a clear age bifurcation into triggering
star ages and triggered star ages, in order to be certain that triggering has oc-
curred. Without a clear age difference, the suspected triggered stars could be part
of the overall star formation process in the first generation, even if they are located
in a compressed clump near the edge of the pressurized region.

Simulations of star formation triggered by ionization pressure have been dis-
cussed by Dale et al. (2005, 2007b) and Gritschneder et al. (2009). These sim-
ulations run for too short a time to generate an expanding coherent shell and
form stars by the collect and collapse mechanism. Triggering instead is by the
forced compression of pre-existing clumps. Because stars are forming in these
clumps anyway, the excess star formation from triggering is small. Longer-time
simulations could show more triggering in the collect and collapse scenario. As
mentioned above, the timescale has to be several times the dynamical time in the
pre-shock material. This is a problem for clouds that are not magnetically sup-
ported because they will collapse anyway in that time, even without compression.
Thus triggering, as observed in shells, requires stability before the compression
arrives, presumably from magnetic forces, and instability after the compression,
presumably from enhanced magnetic diffusion in the compressed region combined
with a greater surface pressure for the given cloud mass.

Thick shells should differ from thin shells in their stability properties because
the gravitational forces in the shell are diluted by thickness when it is large, as
discussed for galactic disks in Section 1.1 of Lecture 1. Wünsch (2010) studied the
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thick shell case for shells that do not accumulate material as they expand, but are
bound on both sides by thermal pressure.

7 ISM Energy Sources that may Trigger Star Formation

There are many energy sources for the ISM but only a few are likely to trigger
star formation. The essential condition is that the energy source has to change a
cloud from stable to unstable. Usually this requires some kind of compression, the
compressed mass has to exceed an unstable mass, and the compressive force has
to last for a time comparable to the collapse time in the compressed region. As
mentioned above, individual supernova seem too short-lived to trigger star forma-
tion in the ambient ISM, even though they play an important role in energizing
the ISM. More important are the HII regions, stellar winds bubbles, and multiple
supernovae that occur in OB associations and star complexes. Another long-range
and long-lived source of compression is a spiral density wave.

8 Summary

As we have seen over the last four lectures, star formation can be initiated by a va-
riety of processes, including spontaneous gravitational instabilities in the combined
stellar and gaseous medium, occasional cloud collisions, especially in density-wave
shocks, and triggered gravitational instabilities in compressed regions ranging from
spiral-arm dust lanes, to Lindblad resonance rings, tidal arcs around interacting
galaxies, gaseous shells and rings in galactic disks, and molecular clouds at the
edges of HII regions. The role of compression is either to bring some amount of
otherwise stable gas together so it can collapse and form stars on its own, or to
compress an existing cloud from a stable configuration to an unstable configura-
tion, at which point it, too, forms stars on its own. Always accompanying this gas
redistribution or compression is an enhancement in internal energy dissipation.
Otherwise, the region would have collapsed into stars on its own. Compression
through a shock does this reduction, or compression-enhancement of magnetic dif-
fusion, or even compression to reduce the turbulent dissipation time. Without
compression, the region may still collapse on its own, but with a longer time scale.

Because the final step in all of these triggering scenarios is the formation of stars
deep in a cloud core, away from any pressure source that may be acting on the cloud
surface, the detailed processes of star formation, such as stellar collapse, accretion,
disk formation, and so on, should not depend much on triggering. If the source
of compression also heats the gas, then perhaps the thermal Jeans mass increases
in the compressed region, and this might affect the stellar initial mass function.
However, higher driving luminosities and therefore higher cloud temperatures are
usually accompanied by higher pressures in a way that the thermal Jeans mass
stays about constant (Elmegreen et al., 2008).

The overall affect of triggered star formation on the average star formation rate
seems to be small in the main parts of galaxy disks. The empirical laws discussed
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in Lecture 1 seem not to depend on how the self-gravitating molecular gas is made,
as long as it is made quickly between previous molecular cloud disruptions. If the
dispersed gas from a previous event of star formation lingers around in a diffuse
state for a long time, without forming stars, then it might still turn molecular
from self-shielding, thereby contributing to ΣH2, but not contribute in the right
proportion to ΣSFR. The empirical Bigiel et al. (2008) law would then fail. We
suggested in Lecture 2 that this may be the case for dust clouds in the interarm
regions of M51, i.e., that they are marginally stable to have lasted so long from
their formation in the previous spiral arm. But the fraction of molecules in a non-
gravitating form cannot be large for the correlation between ΣSFR and ΣH2 to work
out as well as it does. Frequent gas compression by all of the various pressures in
the ISM, combined with the forced loss of internal energy that accompanies this
compression, ensures that most of the molecular and atomic debris from one event
of star formation soon makes it into another event of star formation. Prevalent
triggering thereby acts as a scavenger for inert diffuse clouds, keeping most parts of
the ISM in a constant state of collapse or imminent collapse. This is the saturation
in star formation that previous lectures have mentioned.

With very low star formation rates, as in dwarf galaxies and the outer parts of
disks, a much higher fraction of the gas can be in diffuse form, and then triggering
can play a more direct role in the average star formation rate. At a very minimum,
it can provide locally high pressures where the thermal stability of the gas allows
a cool phase to exist in equilibrium with the radiation field. Without such cool
phases, disk instabilities will just make warm and diffuse flocculent spirals in the
gas, and there will not be enough dense matter to affect the star formation rate.
Put simply, at very low average pressures, cool diffuse clouds seem to require
pressure disturbances for their formation from the warm phase. Most commonly,
outer spiral arms seem to do this, but stellar pressure sources might be important
too. This enablement of cool cloud formation is presumably the first step in the
condensation process that leads to star formation.
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STAR FORMATION DURING GALAXY FORMATION

Bruce G. Elmegreen1

Abstract. Young galaxies are clumpy, gas-rich, and highly turbulent.
Star formation appears to occur by gravitational instabilities in galac-
tic disks. The high dispersion makes the clumps massive and the disks
thick. The star formation rate should be comparable to the gas accre-
tion rate of the whole galaxy, because star formation is usually rapid
and the gas would be depleted quickly otherwise. The empirical laws
for star formation found locally hold at redshifts around 2, although
the molecular gas consumption time appears to be smaller, and mergers
appear to form stars with a slightly higher efficiency than the majority
of disk galaxies.

1 Introduction

In the first four lectures of this series, we reviewed star formation in local galaxies.
Recall that the star formation rate is proportional to the CO emission, from which
we concluded that star formation occurs only in molecular gas and that the con-
sumption rate from molecules to gas is constant. This derivation assumed a fixed
CO to H2 conversion rate to get the molecular gas mass, a fixed IMF, uniform
grain properties, and certain extinction corrections to get the star formation rate.
In addition, the molecular fraction scales almost linearly with pressure, and the
pressure depends on the mass column densities, Σgas and Σstars, and the velocity
dispersions, σgas and σstars. We also saw that spiral waves promote star forma-
tion in the arms, or organize the star formation, but do not affect the average
rate much. The same is apparently true for star formation in shells, bright rims
and pillars, which trigger star formation in these regions, i.e., organize where it
happens, without changing the global average rate much. Star formation seems
saturated in inner disks, so the detailed mechanisms of cloud formation do not
appear to matter.
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In addition, we saw that stars form in hierarchical patterns with star complexes,
OB associations, clusters, and so on, because of turbulence compression and self-
gravity. As a result, there are power-law mass functions for clouds, clusters, and
stars, and there are space-time correlations for clusters. There are probably similar
space-time correlations for young stars which are not observed yet.

We would like to discuss here what changes for young galaxies at high redshift.
At first, we expect high redshift galaxies to look like normal galaxies viewed in the
restframe ultraviolet. They would look dimmer because of cosmological surface
brightness dimming, and the star formation regions would be blurred out because
of poor spatial resolution. But still, we might expect to see the uv restframe
versions of normal galactic features, i.e., exponential disks, spiral arms, bars, lots
of small star-forming regions, and a general diversity in the relative prominence of
disks and spheroids (i.e., the Hubble types).

Barden, Jahnke & Häussler (2008) made model images of redshifted SDSS galax-
ies to z = 0.15, 0.5, and 1, and even increased the intrinsic brightness for the z = 1
images. The result was a significant loss of faint structures, including the outer
disk and the faint star-forming regions. Overzier et al. (2010) redshifted “Lyman
Break Analogs” to z = 2, 3, and 4. They found that small clumps blend together
and faint peripheral tidal features disappear. Petty et al. (2009) looked at the
standard structural measures: the Gini coefficient, M20 (central concentration),
and the Sersic index for redshifted local galaxies. They found that the model
galaxies were smoother (lower Gini) and more centrally concentrated (lower M20)
than their local counterparts. These studies reinforce our notion that high redshift
galaxies should look somewhat smooth and centrally concentrated if they are at
all like local galaxies.

In fact, when deep high resolution images of the sky were taken, particularly
by the Hubble Space Telescope (HST), disk galaxies did not look anything like
these expectations from local galaxies. Beyond z ∼ 2, galaxies are mostly irreg-
ular, asymmetric, and clumpy (van den Bergh et al., 1996; Abraham et al., 1996;
Conselice et al., 2005). In particular, there is a class of galaxies that is almost en-
tirely clumpy, with nearly half of the light in several big star-forming clumps and
no obvious underlying exponential disk (Elmegreen & Elmegreen, 2005). Figure 1
shows two examples of clumpy disks, with UDF catalog numbers indicated. On
the left are SkyWalker1 images using the ACS camera and on the right are NIC-
MOS images in the near-infrared with 3× lower resolution. The galaxies contain
several large star-forming clumps with no central concentration from a bulge or
exponential disk.

In a catalog of galaxy morphologies in the HST Ultra Deep Field, considering
only galaxies larger than 10 pixels so their internal structure can be observed,
Elmegreen et al. (2005a) recognized 6 basic types: Chain galaxies (121 examples),
Clump Clusters (192), Double (134), Tadpole (114), Spiral (313), and Elliptical
(129). Only the spirals and ellipticals resemble local galaxies, and even then

1designed by K. Jahnke and S.F. Sánchez, AIP 2004
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the spirals tend to have bigger star-forming regions than local spirals and the
ellipticals are clumpy as well (Elmegreen et al., 2005b). Photometric redshifts of
these galaxies (Elmegreen et al., 2007a) suggested that all of the clumpy types
extend out to at least z ∼ 5 with extreme starburst spectral energy distributions.
The spirals and ellipticals end at about z ∼ 1.5, which could be because either
their number density drops, or they are too faint in the restframe uv to see at
higher redshifts.

2 What are the Clumpy Types?

Chain galaxies were originally identified by Cowie, Hu & Songaila (1995) using
ground-based images. They are linear objects with several giant clumps along
their length. There is often no central red clump, and no exponential profile
as in a modern edge-on spiral galaxy. There are also many oval-shaped clumpy
galaxies that resemble chains in having the same numbers, magnitudes, and colors
for the clumps. More important, the relative numbers of these systems, chains
versus clumpy galaxies, is consistent with the chains being edge-on clump clus-
ters (Elmegreen et al., 2004a; Elmegreen & Elmegreen, 2005). Thus we have a
new morphological type of galaxy, a thoroughly clumpy disk viewed in random

Fig. 1. Two examples of clump cluster galaxies from the HST UDF with color ACS

camera images on the left and NICMOS images on the right (from Elmegreen et al.,

2009a). These galaxies are characteristic of this class, having several large clumps of star

formation and no obvious interclump disk.
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orientations, that occurs primarily at high redshift.
Chains and clump clusters are so common that all modern spirals could have

gone through this phase at z > 1. Essentially all observed disk systems are very
clumpy at z > 2. The comoving space density of chains and clump clusters larger
than 10 pixels in the UDF is ∼ 4×10−3 Mpc−3 for z < 1, decreasing to ∼ 1×10−3

Mpc−3 out to z ∼ 3 or more. For spirals larger than 10 pixels in the UDF, the
space density is 4 × 10−3 Mpc−3 for z < 1, but decreasing faster with z than the
clumpy types, perhaps, in part, because spirals become too red to see. Considering
also that the clumpy phase is probably shorter lived than the spiral phase, the
prevalence of clumpy disks at high redshift seems clear.

Most clumps are not a bandshifting artifact of rest-UV normal star formation.
Clumpy and spiral types are both present at low redshift. In GOODS, there
are four basic types of disk galaxies: density wave spirals and flocculent spirals
resembling today’s galaxies, clumpy galaxies with a red disk between the clumps,
and clumpy galaxies without any evident disk between the clumps. All four types
span the same range of redshifts up to z ∼ 1. There are clump clusters even
at z ∼ 0.2. This is such a low redshift that the observed V band in GOODS
corresponds to a restframe passband of B band. Local spirals do not look like
clump clusters in B band, so the clumpies are intrinsically different.

3 Mergers

Highly irregular massive disk galaxies in the local universe are usually mergers
or interacting systems. We don’t know if this is also true at high redshift. In
the GOODS sample, there are clump clusters and chains at low redshift that look
the same as those at high redshift in the UDF. But also in GOODS there are
many examples of mergers and interactions that look like their local counterparts
(Elmegreen & Elmegreen, 2006a; Elmegreen et al., 2007b). Thus normal mergers
and interactions show up just fine in GOODS, and clump clusters are different.
Clump clusters usually have no tidal features, for example, and they do not typi-
cally have double red nuclei from formerly separate galaxies.

Mergers are also not required to make a galaxy lopsided. Internal processes can
do that too. Bournaud et al. (2008) observed a lopsided clump cluster in the UDF
with Sinfoni. They found that it has a smooth rotation profile and metallicity
gradient, so it does not look like a chaotic merger or have a double rotation curve.
A simulation of this system reproduced the lopsided shape very well if the initial
disk and halo were offset from each other a little. This offset seems reasonable
if very young galaxies undergo rapid accretion from a cosmological inflow; they
should often have their disk center-of-mass at a slightly different position than
their halo center-of-mass. The disk mass in this model was 6× 1010 M⊙, with half
of the disk mass in gas.

The final piece of evidence that chains are edge-on clump clusters is that the
clumps in chain galaxies are highly confined to the midplanes. Their resolution-
corrected rms deviation from the midplane of the chains is less than 100 pc
(Elmegreen & Elmegreen, 2006b). This requires in situ clump formation, not
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extra-galactic clump accretion. Also some chains are curved and not straight,
and the clumps in them follow the curvature too, without significant deviations
(Elmegreen & Elmegreen, 2006a). These may be interacting edge-on clumpy galax-
ies, but still the clumps formed in them and are not separate merger remnants.

4 Clump Cluster Properties

Clumpy young galaxies, whether somewhat face-on and called “clump clusters,” or
edge-on and called chains, have properties that are consistent with their youth, and
also show variations that are consistent with their gradual evolution into modern
disks.

Their youthful appearance is reinforced by the observation that they are highly
molecular (Tacconi et al., 2010; Daddi et al., 2008, 2010a) and highly turbulent
(Förster Schreiber et al., 2009; Law et al., 2009, see below). Presumably the tur-
bulence is a result of energy gained from intergalactic accretion (Elmegreen & Burkert,
2010) and gravitational instabilities in the disk (Bournaud, Elmegreen & Martig,
2009). Many young galaxies have a ratio of rotation speed to twice the dispersion
speed that is less than unity. Förster Schreiber et al. (2009) consider that when
this ratio is less than 0.4, the disks are dispersion-dominated. Their galaxies have
stellar masses in the range from 1010 M⊙ to 1011 M⊙ and dynamical masses that
are 3 to 5 times larger, on average.

Tacconi et al. (2010) made CO (3-2) maps of several clump clusters and found
that typical clumps in these galaxies have 5× 109 M⊙ of H2 with radii < 1-2 kpc,
ΣH2 = 300 − 700 M⊙ pc−2, and σ ∼ 19 km s−1. They also derived a high gas
fraction in the disks. Daddi et al. (2010a) observed CO in 6 galaxies at z ∼ 1.5,
finding rotation in some cases and a generally high gas fraction. The timescales
for gas consumption, stellar build-up, and galactic dynamics were all comparable
in the Daddi et al. study, which implies that the galaxies are very young. Daddi et
al. also found that the efficiency of star formation is about the same as in normal
galaxies today.

The clump stellar masses in clump clusters are ∼ 100 times larger than star
complex masses in modern spiral galaxies of similar luminosities (Elmegreen et al.,
2009b). Bulges or bulge-like objects in clump clusters and chains are sometimes
observed, and they are more like the clumps in terms of mass and age than are the
bulges in spiral galaxies (Elmegreen et al., 2009a). The interclump surface density
and age relative to the clump surface density and age also show variations among
different clump clusters (Elmegreen et al., 2009b). All of these variations suggest
an evolution from highly clumpy, bulge-free galaxies to smooth spiral galaxies with
bulges.

There are essentially no barred clump cluster galaxies. Even if bars were
present, they could hardly be recognized in such irregular disks. Bars appear
only when the galaxies calm down and develop exponential disks and central con-
centrations or bulges. Still, there are elongated clumps in some clump clusters,
suggesting protobars (Elmegreen et al., 2004b). If these objects really turn into
bars, then this suggests bar formation can be a gas-rich process, including signif-
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icant energy dissipation, and not a pure stellar process as in standard numerical
models.

5 Working Model

The most likely model for the origin of clumps in clumpy galaxies is that they form
by gravitational instabilities in rapidly assembled disks. The clumps are confined
to within 100 pc of the mean disk, they are young star-forming regions (not diverse
merged galaxies), the clump masses are 107 M⊙ – 108 M⊙, sometimes 109 M⊙,
and these masses appear to be the ISM Jeans masses with the measured turbulent
speeds and gas column densities. For example, MJeans ∼ σ4/G2Σ ∼ 108 M⊙ if
σ ∼ 30–50 km s−1 and Σgas ∼ 100 M⊙ pc−2. These dispersions are consistent with
observed HII dispersions (Förster-Schreiber et al., 2006; Förster Schreiber et al.,
2009; Weiner et al., 2006; Genzel et al., 2006, 2008; Puech et al., 2007; Law et al.,
2009) and this column density is typical for the inner disk regions of spiral galaxies
today. It is also comparable to what Tacconi et al. (2010) observed directly using
CO emission.

There are many consequences of having such large clumps in a galaxy disk
(Noguchi, 1999; Immeli et al., 2004a,b; Bournaud, Elmegreen & Elmegreen, 2007).
They contribute strongly to the total disk potential, so they interact gravitation-
ally, experience strong dynamical friction, and lose angular momentum to the outer
disk. This all causes them to migrate rather quickly to the disk center where they
contribute to a growing bulge (Elmegreen et al., 2008a). Star formation in the
center can get triggered by their merger too, and this adds to the bulge. At the
same time, their disruption in the disk causes it to smooth out, and this, combined
with their angular momentum transfer, gives the disk an exponential radial profile
(Bournaud, Elmegreen & Elmegreen, 2007). All of this disk evolution can happen
within 0.5-1 Gyr.

Stirring from the clumps also thickens the disk and this probably produces the
thick disk component of today’s spiral galaxies (Bournaud, Elmegreen & Martig,
2009). Thick disks can also form by minor mergers, both through the stirring of
existing disk stars and the dispersal of the merger remnants (Quinn et al., 1993;
Walker et al., 1996). However, thick disks formed in this way flare out at the
edge, and real thick disks do not seem to do this (Yoachim & Dalcanton, 2006;
Bournaud & Elmegreen, 2009). Stirring by internal processes automatically makes
a thick disk with an approximately constant scale height, because the stirring force
from clump gravity is proportional to the disk restoring force from gravity. In the
case of a merger, the stirring force is proportional to the companion galaxy mass
and independent of disk restoring force, so the disk is dispersed much further in
the outer regions than the inner regions (Bournaud & Elmegreen, 2009).

There is also a possible connection with nuclear black holes if the dense clus-
ters that are likely to be present in the cores of the individual disk clumps form
intermediate mass black holes by stellar coalescence, as proposed for dense clus-
ters by Ebisuzaki et al. (2001), Portegies-Zwart & McMillan (2002), and others.
If the clumps form black holes in this way, then these black holes will migrate
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into the disk center along with the clumps, and possibly merge to make a massive
nuclear black hole. Simulations of this process obtain a correlation between the
black hole mass and the bulge velocity dispersion that is similar to what is observed
(Elmegreen et al., 2008b). If the clumps make globular clusters too (Shapiro et al.,
2010), then the correlation between globular cluster number and central black hole
mass (Burkert & Tremaine, 2010) might be explained in the same way.

6 Stream-fed Disks

Galaxy accretion by cold gas streams is a way to feed gas into the disks fast enough
to produce wild instabilities and clump formation. This can all happen without
galaxy mergers, except for some small galaxy-like pieces that come in with the cold
flows. The recognition of cold flows is a major change in thinking about how galax-
ies form (Murali et al., 2002; Birnboim & Dekel, 2003; Semelin & Combes, 2005;
Dekel & Birnboim, 2006; Ocvirk et al., 2008; Dekel et al., 2009a,b; Agertz et al.,
2009; Kereŝ et al., 2005, 2009; Brooks et al., 2009). Hierarchical build-up models
in the cold dark matter scenario may not apply to baryons as much as they apply
to cold dark matter itself. The baryons may enter a galaxy in the form of cold
flows, rather than minor and major mergers of component galaxies, each with their
own dark matter halo.

Ceverino, Dekel & Bournaud (2010) modeled cold and hot flows with a disk
galaxy forming in the center. The model is appropriate for a redshift of z = 2.3.
They follow the formation and evolution of individual clumps in the disk gas,
showing how the accretion quickly makes an unstable gas disk, which forms giant
clumps that migrate to the center.

7 Local analogs of clumpy galaxies

Clumpy galaxies do not look like local galaxies even when the local galaxies are
modified to appear as they would at high redshift. FUV images of local galaxies
contain too many star-forming clumps, and they are also more centrally concen-
trated than clump clusters. Spiral and barred structure in local galaxies would
still show up at high redshift too (using the HST ACS camera, for example), if
the disk is not too faint to see.

UDF clump clusters have bigger and fewer clumps than local galaxies, even
in the restframe uv, they have no symmetry or central concentration, and they
are much brighter in restframe magnitudes. Typical clump clusters have surface
brightnesses that are more than 10 times larger than the surface brightness of, for
example, M101, which is a locally bright galaxy with lots of giant star-formation
clumps (although the M101 clumps are still small by high redshift standards).

We may wonder if local flocculent spiral galaxies are a better match to high-z
galaxies because local flocculents get most of their structure from gravitational
instabilities in the gas and there are no prominent spiral waves in the old stellar
disk. Two redshifted versions of the flocculent galaxy NGC 7793 were shown in



8 Ecole Evry Schatzman 2010: Star Formation in the Local Universe

Elmegreen et al. (2009b) and compared to GEMS galaxies. The local and distant
galaxies do not look similar at all. In general, local galaxies are too smooth and
too centrally concentrated compared to clump clusters.

On the other hand, a local dwarf Irregular galaxy is a good match to a clump
cluster, although the clump clusters are much more massive (Elmegreen et al.,
2009b). Clump clusters resemble local dwarf irregulars because both have high gas
fractions, both have big complexes relative to the galaxy size, both have relatively
thick disks, and both have high velocity dispersions relative to the rotation speed.
Recall that LJeans/GalaxySize ∼ Hdisk/GalaxySize ∼ (σ/V )2. That is, the clump
size from gravitational instabilities is comparable to the galactic scale height, and
the ratio of these lengths to the galaxy size is the square of the ratio of the
velocity dispersion to the rotation speed. Thus big complexes, thick disks, and high
dispersions (relative to galaxy size and rotation speed) all go together regardless
of the galaxy mass.

Both local dwarf irregulars and clump clusters are irregular because they have
a relatively high gas mass and a high σ/V . Both are also relatively young in
terms of the number of rotations they have lived and in terms of the relative gas
abundance. The resemblance between clump clusters and local dwarfs is another
example of down sizing: small galaxies today (dwarf irregulars) are doing what
big galaxies (clump clusters) did at z ∼ 2 (Elmegreen et al., 2009b).

There are other local galaxies that resemble clump clusters too, but they have
about the same stellar mass as clump clusters, i.e., they are large galaxies. These
local analogues are extremely rare, however. Casini & Heidmann (1976a,b) and
Maehara et al. (1988) discovered local “clumpy irregular galaxies” of normal size.
Examples are Markarian 296, 325, 7, 8 (which are ultraviolet galaxies), and Kiso
UV excess galaxies 1618+378, 1624+404, 1626+413, and Mrk 297. Maehara et
al. (1988) determined galactic distances of 60 to 120 Mpc, clump sizes of ∼ 2′′

(corresponding to 1 kpc), and clump absolute magnitudes of MB ∼ −11 to −16
mag (corresponding to ∼ 106 L⊙ to 108 L⊙).

Garland et al. (2007) studied Luminous Compact Blue Galaxies. These are
small, high luminosity, high surface brightness galaxies with a blue color. They are
also gas-rich (CO, HI), like high-z galaxies, and rotating with distorted velocities,
as if they are interacting or lopsided. Overzier et al. (2008, 2009, 2010) studied
Lyman Break Analogs (Heckman, 2005). These are super-compact uv-luminous
galaxies. They are GALEX objects with LFUV > 1010.3 L⊙ and intensities IFUV >
109 L⊙ kpc−2 at redshifts z < 0.3. They are also very rare (∼ 10−6 Mpc−3).

8 What should a Model of Star Formation be for High Redshift Galax-

ies?

Young galaxies look like their whole disk is out of equilibrium. In general terms,
the star formation rate is expected to equal the accretion rate. This implies that
if simple laws like the KS relation or the Bigiel-Leroy relation apply, then they
fix the gas column density or molecular column density for a given star formation
rate, not the other way around. Maybe the molecular abundance still depends
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on pressure and the radiation field, and maybe stars still form only in molecular
gas, but if the star formation rate is pinned to the accretion rate, then these local
relations are not useful and in predicting the star formation rate. Perhaps the
growth rate of GMCs equals the accretion rate by a whole galaxy. This would
seem to be necessary to maintain a steady state. In a broad sense, this situation
is like the dynamical triggering models discussed in these Lectures earlier, i.e.,
the spiral-wave or shell-like organization of gas into star-forming regions. Instead
of spiral waves and shells collecting matter on a kpc scale, whole galaxies are
collecting matter on a 10 kpc scale.

9 Comparison of Star Formation Models

Choi & Nagamine (2010) compared three models for star formation in cosmolog-
ical simulations, the Springel & Hernquist (2003) model, the Blitz & Rosolowsky
(2006) model, and the Schaye & Dalla Vecchia (2008) model. These are instructive
to review here so that the diversity of analytical models can be noted.

In the Springel & Hernquist (2003) model, there is cooling gas with a star
formation rate

dρ∗/dt = (1 − β)ρc/tSFR, (9.1)

where β equals the supernova gas return fraction, ρc equals the density of cool
clouds, tSFR = t∗0(ρ/ρth)

−1/2 is the dynamical time, where t∗0 = 2.1 Gyr gives
the local KS law. They also assumed ΣSFR = 0 if Σ < Σth for threshold column
density Σth, and ΣSFR = A(Σgas/1 M⊙ pc2)n for A = 2.5 ± 0.7 M⊙ yr−1 kpc−2,
n = 1.4, and Σth = 10 M⊙ pc−2. This equation for star formation rate is combined
with another equation for the rate of change of the cool cloud density,

dρc/dt = Cβρc/t
∗, (9.2)

where C = C0(ρ/ρth)
−4/5. This assumes that supernovae evaporate and form cold

clouds as in McKee & Ostriker (1977).
In the Blitz & Rosolowsky (2006) model, the molecular fraction is given by

ρH2/ρHI = (Pext/P0)
0.92, where P0 = 4.3 × 104 kB K cm−3. Then for a star

formation rate, they assume

dρ∗/dt = (ρgas/Gyr)/[1 + (P + P0/Pext)
0.92], (9.3)

which assumes Σ ∝ ρ (a constant scale height). This star formation rate was
applied only when Pext < P0. For Pext > P0, Choi & Nagamine (2010) used the
Springel & Hernquist law (i.e., the Kennicutt n = 1.4 law).

The third model was that of Schaye & Dalla Vecchia (2008). These authors
solved for the scale height using Σgas = ρgasLJeans = (γfgPtot/G)1/2, where γ is
the adiabatic index: Ptot ∼ ργgas (Ptot and ρtot include stars), fg equals the gas
mass fraction, and fth equals the thermal pressure fraction (P = fthPtot). They
assumed fg = fth, so if ΣSFR = AΣn

gas = Σgas/t which means t = Σ1−n
gas /A, then

tSFR = A−1(M ⊙ pc2)n(γP/G)(1−n)/2, and finally dρ∗/dt = ρgas/tSFR. Note
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that in this model, ΣSFR ∝ ΣgasP
0.2. They also assumed a threshold density,

ρth = Σth/LJeans, so ρth = Σ2
thG/c2sfg for cs = 1.8 km s−1 (500K gas), and they

assumed P = Kρ4/3.
Choi & Nagamine (2010) note that the Springel & Hernquist model forms too

many stars at low Σgas and this causes it to form stars too early in the Universe.
The other models have a pressure dependence for star formation which gives an
acceptably low rate in low pressure regions.

Genzel et al. (2010) reviewed the star formation and CO data for high-z galax-
ies in the context of the “main-sequence line” for star formation:

SFR(M⊙ yr−1) = 150(M∗/10
11 M⊙)

0.8([1 + z]/3.2)2.7 (9.4)

(Bouche et al., 2010; Noeske et al., 2007; Daddi et al., 2007).
Genzel et al. noted that the gas depletion time depends weakly on z. It is

∼ 0.5 Gyr at z > 1, and 1.7 Gyr at z = 0, while mergers have 2.5− 7.5× shorter
depletion times than non-mergers. At z > 1, the depletion time is comparable to
the stellar age, and it is always shorter than the Hubble time. This means there
is a continuous need for gas replenishment in galaxy disks.

Genzel et al. also found that the molecular star formation-column density
relation is in agreement with Bigiel et al. (2008). There is no steepening at Σgas >
100 M⊙ pc−2 like there appears to be in local starbursts. In general, they find no
variation in the empirical star formation law with redshift.

The dynamical version of the Kennicutt (1998) relation was examined by Gen-
zel et al. too. The dynamical relation says that the star formation rate is pro-
portional to the gas column density divided by the local orbit time. Even in this
form, mergers were found to be more efficient at star formation than non-mergers.
The star formation efficiency per unit dynamical time was about 1.7%.

These considerations led Genzel et al. to a fundamental plane of star formation,
in which the total galactic star formation rate depends only on the dynamical time
and the total molecular mass:

log

(

SFR

M⊙/yr

)

= −0.78± 0.23 log

(

tdyn
yr

)

+ 1.37± 0.16 log

(

Mmol

M⊙

)

− 6.9± 1.9,

(9.5)
all with a standard deviation of 0.47 dex. This is the same as

SFR = 130

(

Mmol

1010 M⊙

)1.37 (
tdyn

100Myr

)−0.78

M⊙ yr−1. (9.6)

Genzel et al. (2010) summarized the various star formation-density laws as
follows. The Kennicutt slope of ∼ 1.4 includes HI, whereas the Bigiel et al. (2008)
slope of ∼ 1 is just for CO (or H2). Genzel et al. redid the Kennicutt (1998)
slope of 1.4 with just H2 and got a slope of ∼ 1.33. They redid their own relation
for ΣSFR versus Σgas including HI in addition to H2 and found that it increases
the slope from 1.17 to 1.28. Kennicutt (1998) used the same CO-H2 conversion
factor everywhere. When Genzel et al. redid the Kennicutt (1998) data with
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a variable CO-H2 conversion factor including only H2, the slope increased from
1.33 to 1.42. Thus the inclusion of HI and the constant CO-H2 conversion factor
somewhat cancel each other in the Kennicutt (1998) relation. Genzel et al. (2010)
also included new merger galaxies, which flatten the slope compared to that in
Kennicutt (1998). Writing the star formation rate as Σmol/tdyn works fairly well,
including both mergers and normal galaxies at all redshifts.

Daddi et al. (2010b) fitted Ultrahigh Luminosity Infrared Galaxies (ULIRGS)
and Submillimeter Wave Galaxies (SMGs) to the same star formation-column
density relation if the SF law is ΣSFR ∼ Σgas/tdyn (tdyn is the rotation time
at the outer disk radius). They suggested that the global star formation rate is
proportional so ∼ (Mtotal gas/tdyn)

1.42. High SFR galaxies consume their gas faster
than a rotation time at the outer radius. This suggests that mergers are involved,
or some other rapid accretion leading to centralized star formation.

10 Summary

Star formation at high redshift occurs in galaxies with high gas fractions and high
turbulent speeds. The morphology is a clumpy disk without an exponential disk,
bulge, or bar. There appear to be no exact local analogues, but what comes close
are the dwarf Irregular galaxies, which are much lower in mass, along with very
rare types called clumpy irregular galaxies, luminous compact blue galaxies, Ly-
man Break Analogs, etc.. All have a small number of giant star-forming regions,
presumably because they are all gas-rich and highly turbulent. The main process
of star formation everywhere seems to be gravitational instabilities. The clump
masses are large and the rates are large because of the high turbulence and high
gas mass fractions. There is a relation between the star formation rate and the
galaxy mass versus redshift, called the “main sequence” line. Cosmological models
have been made that fit this line fairly well. Generally, the ΣSFR versus Σmol rela-
tion is similar to that in local galaxies, with a slight preference for a rate given by
the galaxy dynamical time rather than the pure gas dynamical time. In galaxy ac-
cretion models, the star formation rate quickly becomes equal to the gas accretion
rate. Presumably Σmol adjusts to accommodate or enforce this equilibrium.
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